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対象と目的

原子核理論と宇宙観測の間では、
同じ中性子星への興味・理解でも大きな違いがある。

専門が宇宙物理でない大学院生を主な対象に
中性子星の観測のダイジェストを提供することを目的。

中性子星の基本は、共通の基礎物理によって理解できるが、
宇宙観測で見える中性子星は予想以上に多様性に富む。
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「中性子星の物理と観測」目次

1. 中性子星の基本パラメータ(M, R, P, T, B)

2. 宇宙観測でわかる中性子星の多様性

3. 観測から基本パラメータを測定する
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中性子星の質量

Mc = mp�
� 3

2
G = 1.4M�

中性子星: 中性子(スピン1/2のフェルミ粒子)の縮退圧で重力を支える星

PG �
GM�

R
� GM

2
3 �

4
3

Pd � �c
� �

m

� 4
3

重力

縮退圧

核力、一般相対論の効果まで含めた状態方程式は理論家さんの講義を参照

白色矮星に対するチャンドラセカール質量
(封筒の裏計算レベルでの典型的な中性子星の質量)

重力微細構造定数 (無次元) �G = Gm2
p/�c = 5.9� 10�39

陽子質量 mp = 1.67� 10�24 g
M� = 1.99� 1033 g太陽質量

(相対論的)
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中性子星の半径

beautiful formulae by Landau

�p =
h

mpc

�e =
h

mec
白色矮星

中性子星

電子コンプトン波長

バリオン(陽子、中性子)

MWDR3
WD = ��3

G me�
3
e

MNSR3
NS = ��3

G mp�
3
p

典型的な中性子星:    MNS~1.4M⊙, RNS~10 km

RWD � 7.4� 108

�
M

M�

��1/3

cm � R�
100

R� = 6.96� 1010 cm太陽半径

RNS =
RWD

1000
� 106 cm = 10 km
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中性子星の質量-半径の理論曲線

James M. Lattimer, “The Nuclear Equation of State and 
Neutron Star Masses”, Annu. Rev. Nucl. Part. Sci. 2012

NS62CH19-Lattimer ARI 18 September 2012 8:10
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Figure 3
Typical M−R curves for hadronic equations of state (EOSs) (black curves) and strange quark matter (SQM)
EOSs ( green curves). The EOS names are given in Reference 13, and their P−n relations are displayed in
Figure 2. Regions of the M−R plane excluded by general relativity (GR), finite pressure, and causality are
indicated. The orange curves show contours of R∞ = R(1 − 2 GM /Rc 2)−1/2. The region marked rotation is
bounded by the realistic mass-shedding limit for the highest-known pulsar frequency, 716 Hz, for PSR
J1748-2446J (14). Figure adapted from Reference 15.

energies. The pressure is

p(u, x) = u2ns

(
∂e
∂u

)

x
# u2ns

[
Ko

9
(u − 1) + K ′

o

54
(u − 1)2 + d S2

du
(1 − 2x)2

]
+ p" + · · · , 5.

where p" is the lepton pressure. In the vicinity of u # 1, with x % 1, p" is small and the pressure is
almost completely determined by dS2/du. Laboratory constraints on the nuclear symmetry energy
are discussed in Section 6.

2.2. The Maximally Compact Equation of State
Koranda et al. (16) suggested that absolute limits to neutron star structure could be found by
considering a soft low-density EOS coupled with a stiff high-density EOS, which would maximize
the compactness M/R. The limiting case of a soft EOS is p = 0. The limiting case of a stiff EOS is
d p/dε = (c s /c )2 = 1, where cs is the adiabatic speed of sound that should not exceed the speed of
light; otherwise, causality would be violated. The maximally compact EOS is therefore defined by

p = 0 for ε < ε0; p = ε − ε0 for ε > ε0. 6.
This EOS has a single parameter, ε0, and therefore the structure equations (Equation 2) can be
expressed in a scale-free way:

dw

d x
= − (y + 4πx3w)(2w − 1)

x(x − 2y)
;

d y
d x

= 4πx2w. 7.

Here, w = ε/ε0, x = r
√

Gε0/c 2, and y = m
√

G3ε0/c 4. Varying the value of w at the origin
(w0) gives rise to a family of solutions described by dimensionless radius X and total mass Y. The

490 Lattimer
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大質量星の進化とその終末

O+Ne+Mg
C+O

He
H

中性子星 or ブラックホール

重力崩壊 & 超新星爆発

白色矮星

静かな質量放出

褐色矮星

O+Ne+Mg
C+O

He
H

C+O
He

H

He

HH

星間ガス

Si

8M⊙ 10M⊙<M....................... ............ ..................M < 0.08M⊙  0.46M⊙

Fe core

現代の天文学シリーズ「ブラックホールと高エネルギー現象」
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A. Heger et al., 591, 288-300, 2003, ApJ

初期質量と中性子星の形成

occur at all (Baraffe et al. 2001) because the progenitor stars
are pulsationally unstable.

4. SUPERNOVAE

4.1. Supernovae of Type IIp and IIL

It has long been recognized that massive stars produce
supernovae (Baade & Zwicky 1934). In this paper, we
assume the progenitor properties for the different core-
collapse supernova types listed in Table 1.

The lower and upper limits of main-sequence mass that
will produce a successful supernova (‘‘M-lower ’’ and ‘‘M-
upper ’’)—one with a strong outgoing shock still intact at
the surface of the star—have long been debated. On the
lower end, the limit is set by the heaviest star that will eject

its envelope quiescently and produce a white dwarf.
Estimates range from 6 to 11 M!, with smaller values char-
acteristic of calculations that are employed using a large
amount of convective overshoot mixing (Marigo, Bressan,
& Chiosi 1996; Chiosi 2000) and the upper limit determined
by whether helium shell flashes can eject the envelope sur-
rounding a neon-oxygen core in the same way they do for
carbon-oxygen cores (x 3). It may also slightly depend on
metallicity (Cassisi & Castellani 1993). Here we will adopt
9M! forM-lower.

The value ofM-upper depends on details of the explosion
mechanism and is even more uncertain (x 6.2). Fryer &
Kalogera (2001) estimate 40 M!, but calculations of explo-
sions even in supernovae as light as 15M! give widely vary-
ing results. It is likely that stars up to at least 25 M! do
explode, by one means or another, in order that the heavy
elements are produced in solar proportions. The number
of stars between 25 and 40 M! is not large. Here we have
taken what some may regard as a rather large value:
M-upper ¼ 40M! (Fig. 2).

For increasing metallicity, mass loss reduces the hydro-
gen envelope at the time of core collapse. A small hydrogen
envelope (d2 M!) cannot sustain a long plateau phase in
the light curve, and only Type IIL/b supernovae or, for very
thin hydrogen layers, Type IIb supernovae result (Barbon,
Ciatti, & Rosino 1979; Filippenko 1997). It is also necessary

Fig. 1.—Remnants of massive single stars as a function of initial metallicity (y-axis; qualitatively) and initial mass (x-axis). The thick green line separates
the regimes where the stars keep their hydrogen envelope (left and lower right) from those where the hydrogen envelope is lost (upper right and small strip at
the bottom between 100 and 140M!). The dashed blue line indicates the border of the regime of direct black hole formation (black). This domain is interrupted
by a strip of pair-instability supernovae that leave no remnant (white). Outside the direct black hole regime, at lower mass and higher metallicity, follows the
regime of BH formation by fallback (red cross-hatching and bordered by a black dot-dashed line). Outside of this, green cross-hatching indicates the formation
of neutron stars. The lowest mass neutron stars may be made by O/Ne/Mg core collapse instead of iron core collapse (vertical dot-dashed lines at the left). At
even lower mass, the cores do not collapse and only white dwarfs are made (white strip at the very left).

TABLE 1

Progenitor Properties for Different
Core-Collapse Supernovae

SNType Pre-SN Stellar Structure

IIp....................... e2M!H envelope
IIL/b .................. d2M!H envelope
Ib/c..................... NoH envelope

290 HEGER ET AL. Vol. 591

初期質量 M (M⊙)

金
属
量
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Fig. 15.— The inferred mass distributions for the different populations of neutron stars (top) and black holes (bottom) discussed in
the text. The dashed lines correspond to the most likely values of the parameters. For the different neutron star populations these are:
M0 = 1.33M! and σ = 0.05M! for the double neutron stars, M0 = 1.28M! and σ = 0.24M! for the other neutron stars near their birth
masses, and M0 = 1.48M! and σ = 0.20M! for the recycled neutron stars. For the case of black holes, we used the exponential distribution
with a low mass cut-off at Mc = 6.32M! and a scale of Mscale = 1.61M! obtained in Özel et al. (2010a). The solid lines represent the
weighted mass distributions for each population, for which appropriate fitting formulae are given in the Appendix. The distributions for
the case of black holes have been scaled up by a factor of three for clarity.

neutron stars, M0 = 1.28M! and σ = 0.28M! for other neutron stars near their birth mass, and M0 = 1.48M! and
σ = 0.22M! for recycled neutron stars.
We also obtained a fitting formula for the normalized weighted mass distribution of black holes (solid line in the

bottom panel of Fig. 15) for MBH > 5M! that approximates the numerical result to within 3%:

P (MBH) =
{

A(MBH)
n +

[

B(MBH)
−n + C(MBH)

−n
]−1

}1/n
, (A1)

where

A(MBH)=4.367− 1.7294MBH + 0.1713M2
BH

B(MBH)=14.24 exp(−0.542MBH)

C(MBH)=3.322 exp(−0.386MBH)

n=−10.0 . (A2)
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推定された中性子星とブラックホール質量の分布
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大質量星の超新星爆発

Fe core HSi

中性子星

M ~ 1.4M⊙

R ~ 2500 km

大質量星

M ~ 1.4M⊙

R ~  10 km

角運動量の保存

磁束の保存

M R2 Ω = const

 R2 B = const

P = 2π/Ω ~ ms - sec

B ~ 1012 G

(core)
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超新星残骸パルサー星雲

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

中性子星の物理量と多様性 (まとめ)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

温度 T
(~105-7 K, ~3-4桁ほどの分布)

質量降着率 M
•

普通の星
白色矮星

中性子星の
多様性の源

中性子星の基本的な物理パラメータの違いに加え、周辺環境との相互作用で
多様な系が現れる(Neutron Star Zoo)。複雑だが、かつ面白い。

易

易

難

難

さらに難
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中性子星の物理量と多様性 (まとめ)

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

⇒ 回転駆動型パルサー
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パルサーの発見: PSR B1919+21

© 1968 Nature Publishing Group

© 1968 Nature Publishing Group

A. Hewish, S. J. Bell et al., 217, 5130, 709-713, Nature (1968)
Hewish 1974年ノーベル物理学賞

© 1968 Nature Publishing Group

P=1.3373 sec

a.k.a. CP 1919, PSR J1919+2153

Pulsating Source of Radio

赤道座標の緯度 (赤緯, 1周=24時間)
赤道座標の経度 (赤経, 1周=360°)

B=1950年分点, J=2000年分点
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電波によるパルサー観測

グリーンバンク望遠鏡
(Green Bank Telescope, GBT)

0.1-116 GHz, 100 m, アメリカ合衆国

ジョドレルバンク天文台
(Jodrell Bank Observatory)
イギリス/マンチェスター大学

野辺山
45 m 電波望遠鏡, 日本

パークス天文台
64 m 電波望遠鏡

400 MHz -- 43 GHz
オーストラリア
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さまざまな電波パルスの波形
3.3 

1133+ lh  

PSR  0950+08 hc avcragc 
4 3 0 Mllz  

25 

(Lync. A .G.. 300 100 200 

Lyne, A. G., 1990 (1 周期を 360° とする)
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J. Jeff Hester, “The Crab Nebula: An Astrophysical 
Chimera”, Annu. Rev. Astro. Astrophysics.

ANRV352-AA46-05 ARI 15 July 2008 10:36

Figure 1
A composite Hubble
Space Telescope image of
the Crab Nebula.
Thermal filaments
composed of ejecta
from the explosion
appear around the
outer part of the
nebula. [O III] λ5007
is shown in red,
[S II]λλ6717,6731 in
green, and [O I]λ6300
in blue. Note that
much of the structure
breaks up into inward
pointing fingers of
emission. Note also
the increasing
ionization moving
outward and the
scalloped appearance
of the nebula. The
visible synchrotron
nebula filling the
interior of the remnant
is shown in blue. The
synchrotron nebula is
bounded and confined
by the thermal ejecta.
Note the presence of a
red [O III] “skin”
around the SE portion
of the remnant, which
is interpreted as
emission behind a
shock driven by the
pressure of the
synchrotron nebula
into a larger, freely
expanding remnant
surrounding the Crab.

very faint freely expanding supernova remnant. By convention, features in the synchrotron nebula
are referred to as wisps. Structures seen in the light of emission lines from thermal gas are referred
to as filaments. The wind shock is located at the interface between the wind and the synchrotron
nebula. There is a second shock at the outer boundary of the synchrotron nebula driven by the
pressure of the synchrotron nebula into surrounding thermal gas. The synchrotron nebula and
thermal filaments lie within a larger freely expanding supernova remnant. All of these components
have been observed either directly or indirectly. An as yet unseen outer shock presumably lies well
beyond the visible boundary of the Crab at the leading edge of the expanding cloud of ejecta.

2. THE CRAB CONSISTS OF FOUR OBSERVABLE COMPONENTS

2.1. The Crab Pulsar Powers the Nebula

The Crab Nebula consists of four observable components. At the center of the Crab lies the Crab
pulsar. Since its discovery at radio wavelengths (Staelin & Reifenstein 1968, Comella et al. 1969),

www.annualreviews.org • The Crab Nebula 129
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かに星雲 (Crab Nebula)
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David A. Moffett et al., ApJ 468, 779-783 (1996) 

かにパルサー

19
96
Ap
J.
..
46
8.
.7
79
M

低周波電波

赤外線

可視光

X線

Main pulse Interpulse

33.09 ms 周期の発見 (1969年)
Comella et al., Nature 221, 453 (1969)
Staelin & Reifenstein, Science 162, 1481 (1968)

Crab Pulsar

現在: 33.6 ms
多くの観測装置の較正用の標準光源

1 year

53600  53800  54000  54200  54400  54600  54800  55000
MJD

(c) Terada

ΔP ~ 13 μs @ 1 year 

パルス周期変化率
Pdot ~ 4.2e-13 s/s

Jodrell Bank 天文台によりモニタ観測

軟ガンマ線
2-20 keV: 電波より ~310 μs 先行

20-100 keV: 電波より ~275 μs 先行
Rots et al., ApJ 605 L129-, 2004
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P と Pdot からわかるパルサーの磁場

Lrot =
dErot

dt
= � d

dt

�
1
2
I�2

�
= 3.9� 1046 Ṗ

P 3
erg/s

Lmag =
2

3c3
|µ̈|2 =

2
3c3

|µ|2�4 sin2 � � B2

P 4

θ = 回転軸と磁軸のなす角度
μ = BR3 = 磁気双極子モーメント
I  = 慣性モーメント ~ 1045 g cm2

Ω = 角周波数 = 2π / P

真空中で回転する磁石からの
磁気双極子放射を仮定する

スピンダウン光度 (回転エネルギーの減少)

磁気双極子放射

Lrot � Lmag B = 1.0� 1012

����
�

P

1 s

� �
Ṗ

10�15 s/s

�
G

典型的な磁場強度 B~1012 G
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パルサーの減速

�(t) = �0

�
1 +

t

�0

�� 1
n�1

dErot

dt
� q2�6dErot

dt
� Ṁ�2

�̇ = �k�n一般化した減速の式

磁気双極子放射(n=3) 重力波放射(n=5)星風(n=1)

dErot

dt
� B2�4

n : braking index
(P-Pdot 傾き 2-n)

�c =
P

2Ṗ
P0 << P なら

(Espinoza et al. 2011) 

(Espinoza et al. 2011) 

For eight pulsars the braking indices have been measured 

PSR J1734-3333 is moving towards the  

magnetar range in the P – Pdot diagram   
(e.x) Crab Pulsar; τc = 1246 yr 
vs. True age = 956 yr  (Historical record in 1054)

�
t =

P 2 � P (0)2

2PṖ

⇥
Espinoza et al., 2011
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パルサー発見前(1969)の中性子星の議論

大きな発見の前には、そこへ至る道を醸成する空気がある？

鶴田幸子先生

天文月報
1969年“中性子星なら黒体放射が見えるはず”

X線源 Crab 
⇒ 月の遮蔽観測から広がったX線源
⇒ かに星雲 (パルサーも後に発見)

X線源 Sco X-1
⇒ X線放射が黒体放射ではない
⇒ 円盤の放射 (中性子星と後に確認)
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X線やガンマ線によるパルサー観測

すざく衛星
(X線衛星 0.5-600 keV)

チャンドラ衛星
(X線衛星 0.1-10 keV)

ニュートン衛星
(X線衛星 0.2-12 keV)

NuSTAR衛星
(3-80 keV)

Fermi衛星
(0.03-300 GeV)

MAXI
(0.5-30 keV)

ポインティング観測 全天サーベイ

大有効面積 高い撮像能力

広エネルギー帯域

硬X線撮像
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MAXI が見たX線源

中性子星中性子星

国際宇宙ステーションに搭載
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Fermi 衛星で発見が続くガンマ線パルサー

Fermi team
27



ANRV284-AA44-02 ARI 28 July 2006 13:47

SN(e): supernova(e)

1. INTRODUCTION
The Crab Nebula (Figure 1) is almost certainly associated with a supernova explosion
observed in 1054 CE (Stephenson & Green 2002, and references therein). However,
this source differs substantially from what is now seen at the sites of other recent
SNe, in that the Crab Nebula is centrally filled at all wavelengths, whereas sources
such as Tycho’s and Kepler’s supernova remnants show a shell morphology. This and
other simple observations show that the Crab Nebula is anomalous, its energetics
dominated by continuous injection of magnetic fields and relativistic particles from
a central source.

Figure 1
Images of the Crab Nebula (G184.6–5.8). (a) Radio synchrotron emission from the confined
wind, with enhancements along filaments. (b) Optical synchrotron emission (blue-green)
surrounded by emission lines from filaments (red ). (c) Composite image of radio (red ), optical
(green), and X-ray (blue) emission. (d ) X-ray synchrotron emission from jets and wind
downstream of the termination shock, marked by the inner ring. Note the decreasing size of
the synchrotron nebula going from the radio to the X-ray band. Each image is oriented with
north up and east to the left. The scale is indicated by the 2 arcmin scale bar, except for panel
(d ), where the 20 arcsec scale bar applies.

18 Gaensler · Slane
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Bryan M. Gaensler and Patrick O. Slane, “The Evolution and 
Structure of Pulsar Wind Nebula”, Annu. Rev. Astro. Astrophysics.

さまざまな波長で見た「かに星雲」

電波 可視光

X線可視光＋X線

28



パルサー星雲

中性子星の物理量と多様性 (まとめ)

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)
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パルサー(孤立中性子星)の磁気圏  回転駆動型パルサー

19
69
Ap
J.
..
15
7.
.8
69
G

Goldreich & Julian, 
“Pulsar Electrodynamics”, 
ApJ 1969

磁石が回転
⇒電場が誘起 (v x B)
⇒電荷による遮蔽
⇒磁気圏形成

柴田グループの
シミュレーション結果

負電荷

正電荷

14.5 

14.5 

E'B>O 

14 .  7  
(Jackson. E. A. , .  

117 

Jackson, E. A., 1990

RL =
c

�

光円柱

パルサー磁気圏は
まだ十分に理解
されていない。
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パルサーの電磁波の放出  回転駆動型パルサー

The MAGIC Collaboration,
Science, 2008

磁力線に沿う電場により粒子加速
電子・陽電子のパルサー風の生成
磁力線に沿って電波～ガンマ線の放出

パルサーでの電磁波放出はまだ未解決の問題
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かにパルサーのX線偏光の観測

2’

N

E

S

PD=19.2±0.9%, PA=155.8±1.4°
at 2.6/5.2 keV

(OSO8, Weisskopf+78)

PD=46±10%, PA=123±11°
at 0.1-1 MeV

(INTEGRAL SPI, Dean+08)

PA=124±0.1° 
Pulsar spin orientation (Ng+2004)

off-pulse extraction

PD=9.7±0.1%, PA=139.8±0.2°
Optical (V~16.6) <5” from PSR

(Smith+88, Slowikowska+09)

off-pulse extraction

Optical
X-ray

Hard-X

PSR spin

理研-NASA で共同で開発を進めている偏光X線ガス検出器により観測が可能
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かに星雲・かにパルサーの長期観測

Chandra X-ray Image Hubble Space Telescope
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かに星雲 (Crab Nebula)

Chandra, Hubble, and Spitzer image (NGC 1952)
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J. Jeff Hester, “The Crab Nebula: An Astrophysical 
Chimera”, Annu. Rev. Astro. Astrophysics.

ANRV352-AA46-05 ARI 15 July 2008 10:36

Shock driven by
pressure of combined
Synchrotron nebula

Torus

Jet

Explosion center

Shock velocity
relative to freely
expanding ejecta

vs = vobserved – vfree.expansion

Synchrotron nebula
interior

Prominent
“classical filaments”

in cusps of bubble-like
shock structures,

possibly formed by
thin-sheet instabilities

Pulsar

Pulsar
proper
motion

R-T fingers

Cooled post-
shock gas

([O III],
[Ne V]”skin”)

The outer shock
driven by ejecta into
a low-density cavity

is currently undetected

Southeast:
•  Higher preshock density
  low vs

•  Short cooling time
•  Skin present /still forming
•  More [S II] in skin
•  More, younger R-T filaments
•  Synchrotron nebula confined
 within skin and thermal filaments

Northwest:
•  Lower preshock density
  high vs

•  Long cooling time
•  Skin absent /no longer forms
• Fewer, older R-T filaments
•  Synchrotron nebula appears to
 “break out” beyond filaments but is
  still confined by the shock.

Figure 7
A summary of the structure of the Crab Nebula. The visible Crab consists of the synchrotron nebula, which is confined by thermal
ejecta from the explosion. The pressure of the synchrotron nebula drives a shock into the surrounding freely expanding ejecta. This
shock is radiative around most of the SE portion of the Crab and can be seen as a thin skin of [O III] and especially [Ne V] emission.
The shock is nonradiative in the NW, where the synchrotron nebula extends beyond the boundary of the filaments. The SE-NW
asymmetry can be understood as a consequence of the off-center location of the pulsar due to the velocity kick received by the pulsar at
the time of the explosion. Rayleigh-Taylor (R-T) instabilities at the interface between the synchrotron nebula and the swept-up ejecta
concentrate ejecta into small finger-like structures. The overall scalloped structure of the nebula may result from a thin-shell instability.
The shock at the outer edge of the freely expanding ejecta has not been detected. (Features are not shown to scale.)

All core collapse supernovae that have been studied with techniques such as spectropolarimetry
have proven to be strongly aspherical and frequently bipolar (e.g., Wheeler, Maund & Shizuka
2007; Wheeler & Wang 2008, in this volume), so such asymmetries are to be expected in the
ejecta from SN1054. Further, the spin axes of neutron stars formed in these events need not be
aligned with the symmetry axis of the explosion itself. Misalignment between the spin axis and
kick velocity of the Crab pulsar provides direct evidence of such asymmetries. It is to be expected,
therefore, that the pulsar wind powering the Crab expanded outward through a bipolar pattern

www.annualreviews.org • The Crab Nebula 147
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かに星雲の構造とパルサー星雲
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ANRV352-AA46-05 ARI 15 July 2008 10:36

R

FIR
O Soft X

HEAO A4

COMPTEL

EGRET

10
1033

1034

1035

1036

1037

1038

11 12

10 GeV

13 14 15 16 17 18 19 20 21 22 23 24 25

 log ν Hz–1

L
ν ×

 ν 
(e

rg
 s

–1
)

300 GeV 10 TeV

Electrons responsible for the radiation

100 TeV 3 × 103 TeV

Figure 2
The integrated
spectrum of the Crab
synchrotron nebula,
from Atoyan &
Aharonian (1996),
assembled from
sources cited in that
paper. The electron
energies shown
correspond to peak
synchrotron emission
assuming a magnetic
field of 300 µG. Most
of the emission from
the Crab is emitted
between the optical
and X-ray bands. The
highest energy γ-rays
are due to inverse
Compton radiation.

pulsar (∼1.8×1049ergs) still resident within the synchrotron nebula. Averaged over the volume of
the synchrotron nebula, this energy density corresponds to a pressure of ∼7.2 × 10−9 dyne cm−2,
very close to the canonical value assuming equipartition and B ∼ 300 µG (Trimble 1968).

The overall spectrum of the Crab Nebula peaks in the range between 1014–1018 Hz in the
optical through the X-ray part of the spectrum (see Figure 2, from Atoyan & Aharonian 1996).
Assuming a magnetic field of 300 µG, this radiation is associated with emission from electrons with
energies between a few hundred GeV and a few tens of TeV. The very highest energy emission
from the Crab above frequencies of ∼1023 Hz is thought to be due to inverse Compton radiation
(Atoyan & Aharonian 1996). The bump around 1013 Hz in the far infrared part of the spectrum is
the result of thermal emission from dust in the nebula. This dust, which condensed from material
ejected in the explosion, is heated to a temperature of about 80 K (Marsden et al. 1984).

Figure 3 shows a color composite image of the Crab synchrotron nebula. An X-ray image
of the Crab obtained with Chandra is shown in blue. An optical continuum image is shown in
green. Red shows a radio image of the Crab obtained with the VLA. The first thing that is
immediately apparent in these images is the difference in spatial extent of the Crab synchrotron
nebula when viewed at different wavelengths. The nebula is smallest in size when viewed at
high energies, and grows progressively larger when viewed at lower energies. This basic trend is
relatively easy to understand. High-energy particles injected into the nebula at the wind shock
experience both synchrotron burn off and energy loss owing to adiabatic expansion as they move
outward through the nebula. Even so, faint X rays are still seen close to the boundary of the nebula
(Hester et al. 1995; Seward, Tucker & Fesen 2006), indicating that the real situation is more
complex.

The synchrotron nebula shows a wealth of fine-scale structure that can be extraordinarily
dynamic, varying appreciably on timescales of days. The standard nomenclature for these features
comes from Scargle (1969), who identified a number of arcuate features or wisps located along and
generally perpendicular to a line going from the SE to the NW through the pulsar. (By convention,
features in the Crab synchrotron nebula are referred to as wisps, while the term filament is reserved

www.annualreviews.org • The Crab Nebula 131
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L. Kuiper et al.: The MeV characteristics of the Crab pulsar 927

Fig. 8. The Crab nebula spectrum from soft
X-rays up to TeV γ-rays. The TeV data
point near 1.6×105 MeV is taken from Oser
et al. (2001) and the hatched bands repre-
sent the flux measurements and correspond-
ing 1σ uncertainty estimates at TeV ener-
gies (for references, see text).

Fig. 9. The Total Pulse emission of the
Crab pulsar from optical wavelengths up to
high-energy γ-rays. The nebula emission has
been subtracted. The optical spectral data
(10−6–10−5 MeV) are taken from Sollerman
et al. (2000) and the TeV data point near
1.6 × 105 MeV from Oser et al. (2001).

recent response characteristics assuming intrinsic power-
law type emission absorbed in a column of density NH =
3.61(2)×1021 cm−2 (see Sect. 7.1). In this way we obtained
the Total Pulse spectrum over the 0.1–300 keV energy in-
terval, which is also shown in Fig. 9.

We augmented the energy coverage by including the
pulsed spectra obtained at optical/NUV/FUV wave-
lengths by Sollerman et al. (2000). In this E2×F represen-
tation, the total pulsed emission shows a gradual increase
from the optical range towards a plateau of maximum lu-
minosity extending from ∼10 keV to ∼1 MeV. Beyond
∼1 MeV the emission softens until ∼70 MeV, above which
a second plateau appears with an emission spectrum hav-
ing a photon power-law index close to 2. Between 4 and
10 GeV the pulsar spectrum appears to break/soften

drastically to account for the recently derived upper limits
for pulsed emission at TeV γ-ray energies (see e.g. Vacanti
et al. 1991; Borione et al. 1997; Aharonian et al. 1999;
Lessard et al. 2000; Oser et al. 2001). Its spectral be-
haviour is completely different from that of the nebula
(cf. Fig. 8). Notice the dominance of the nebula emission
component over the pulsed emission component for en-
ergies below ∼100 MeV and above ∼10 GeV, comparing
Figs. 8 and 9. Only in a small window at high-energy γ-
rays between ∼100 MeV and ∼10 GeV the pulsed com-
ponent exceeds the underlying nebula component. This
Total Pulse spectrum is clearly complex. For detailed the-
oretical interpretations it is important to disentangle first
this total spectrum in contributions from different phase
components of the pulse profile.

L. Kuiper et al.: The MeV characteristics of the Crab pulsar 927

Fig. 8. The Crab nebula spectrum from soft
X-rays up to TeV γ-rays. The TeV data
point near 1.6×105 MeV is taken from Oser
et al. (2001) and the hatched bands repre-
sent the flux measurements and correspond-
ing 1σ uncertainty estimates at TeV ener-
gies (for references, see text).

Fig. 9. The Total Pulse emission of the
Crab pulsar from optical wavelengths up to
high-energy γ-rays. The nebula emission has
been subtracted. The optical spectral data
(10−6–10−5 MeV) are taken from Sollerman
et al. (2000) and the TeV data point near
1.6 × 105 MeV from Oser et al. (2001).

recent response characteristics assuming intrinsic power-
law type emission absorbed in a column of density NH =
3.61(2)×1021 cm−2 (see Sect. 7.1). In this way we obtained
the Total Pulse spectrum over the 0.1–300 keV energy in-
terval, which is also shown in Fig. 9.

We augmented the energy coverage by including the
pulsed spectra obtained at optical/NUV/FUV wave-
lengths by Sollerman et al. (2000). In this E2×F represen-
tation, the total pulsed emission shows a gradual increase
from the optical range towards a plateau of maximum lu-
minosity extending from ∼10 keV to ∼1 MeV. Beyond
∼1 MeV the emission softens until ∼70 MeV, above which
a second plateau appears with an emission spectrum hav-
ing a photon power-law index close to 2. Between 4 and
10 GeV the pulsar spectrum appears to break/soften

drastically to account for the recently derived upper limits
for pulsed emission at TeV γ-ray energies (see e.g. Vacanti
et al. 1991; Borione et al. 1997; Aharonian et al. 1999;
Lessard et al. 2000; Oser et al. 2001). Its spectral be-
haviour is completely different from that of the nebula
(cf. Fig. 8). Notice the dominance of the nebula emission
component over the pulsed emission component for en-
ergies below ∼100 MeV and above ∼10 GeV, comparing
Figs. 8 and 9. Only in a small window at high-energy γ-
rays between ∼100 MeV and ∼10 GeV the pulsed com-
ponent exceeds the underlying nebula component. This
Total Pulse spectrum is clearly complex. For detailed the-
oretical interpretations it is important to disentangle first
this total spectrum in contributions from different phase
components of the pulse profile.

星雲 パルサー

J. Jeff Hester, “The Crab Nebula: An Astrophysical 
Chimera”, Annu. Rev. Astro. Astrophysics.

かに星雲の広帯域スペクトル

X線 X線
Kuiper et al., 2001
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超新星残骸

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

中性子星の物理量と多様性 (まとめ)
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超新星残骸カシオペア座Aと中性子星

Chandra X-ray Image of Cassiopea A (Stage+2006) 
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超新星残骸から探るパルサー母天体
��N`^\Oktw|�J�i������


��	��
��

ブランクスカイのデータをバックグラウンドとして引いた �

XISによる観測�-対象 1E2259+586�
 �-�1/8ウィンドウ・モード �

SNR%������������
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中野君の天文学会発表から
Nakano et al., in prep

中心に中性子星をもつ超新星残骸 CTB 109 のX線スペクトル 
元素組成、爆発のタイプとエネルギー、年齢などを推定できる
超新星残骸の研究はX線天文学の一大分野のひとつ

中野君の発表(金曜日)

 ESA/XMM-Newton/M. Sasaki et al.
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超新星残骸

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

温度 T
(~105-7 K, ~3-4桁ほどの分布)

中性子星の物理量と多様性 (まとめ)
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中性子星の冷却曲線Neutron Star Cooling

Page, Lattimer, Prakash & Steiner (2004)
J.M. Lattimer, The Lead Radius Experiment ..., Trento, 4 August 2009 – p. 11/20

Page+2004

冷却曲線は中性子星の内部の情報源

高塚先生の講義?(明日)
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中性子星の物理量と多様性 (まとめ)

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

温度 T
(~105-7 T, ~3-4桁ほどの分布)

質量降着率 M
•

普通の星
白色矮星

⇒ 降着駆動型パルサー
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X線連星の分類
大質量Ｘ線連星 小質量Ｘ線連星

年齢: young population (10 Myr)
主星: late O-B(e) 型 
         Mc > 10 M⊙

降着: 強い星風
スペクトルに吸収が見られる
おもに星形成領域で見られる

年齢: old population (1000 Myr)
主星: K-M 型 
         Mc ~ 1 M⊙ (Mc <~ 2-3 M⊙)
降着: Roche lobe flow 
スペクトルの吸収が弱い
stellar mass の分布に一致

High Mass X-ray Binaries (HMXBs)Low Mass X-ray Binaries (LMXBs)

High Mass, Low Mass は光学主星の特徴！中性子星の質量ではない！
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中性子星の磁場による降着の違い
磁場が強い中性子星(~1012 G)磁場が弱い中性子星(~108 G)

おもに HMXB 中に見られるおもに LMXB 中に見られる

降着円盤は星の表面付近まで到達。
星全体に広く降着 ⇒ パルスは見えない
質量降着によってスピンアップ

磁気圧で止められ磁力線に沿って降着。
磁極に絞られて降着 ⇒ X線パルスが発生
パルス周期は比較的遅い(数十秒~数百秒)

mr�2 =
GmM

r2 v = r� =
�

GM

r

物質がケプラー回転しながら降着

アルフベン半径 RA

B2

8�
= �v2 (B � r�3)

RA~108 cm
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HMXB 中のX線パルサー波形
19
89
PA
SJ
..
.4
1.
..
.1
N

Pdot は長期では安定していない。Nagase 1989, PASJ
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Cyclotron Resonance Scattering Feature

X-ray spectrum 
4U 0115+63

10             20                   50           100
Energy (keV)

1.0

0.01

ke
V

 c
m

-2
 s

ec
-1

 k
eV

-1

Santangelo+1999

E1

E2
E3

E4

中性子星の磁場の推定 : 電子サイクロトロン共鳴

大質量Ｘ線連星
(HMXB)

重力エネルギー

B~1011-12 G  

降着円筒

Becker+2007

These features were discovered 
from ~20 sources with B ~ 1011-13 G.
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X線パルサーの電子サイクロトロン共鳴192 T. Mihara et al.

Table I. The X-ray binary pulsars with CRSF.

Object Ea [keV] Instruments

4U 0115+63 11.8, 24.1 10) HEAO-1
34.5, 47.0 7) SAX
66.5 8) RXTE

4U 1907+09 18, 38 11)Ginga12)SAX
4U 1538-52 20 13) Ginga
Vela X-1 24, 52 14)Mir15)RXTE
X0331+53 26, 16) Ginga

49, 74 17) Integral
Cep X-4 28 18) Ginga
Cen X-3 29 19) SAX
X Per 29 20) RXTE
MXB 0656-072 32.8 21) RXTE
XTEJ1946+27 36 22) RXTE
4U 1626-67 37 23) SAX
GX 301-2 37 2) Ginga
Her X-1 41 1) Balloon
A0535+26 50, 110 14), 24) HEXE

25) Suzaku Integral RXTE

GS1843+00 20 ? 2) Ginga
OAO1657-415 36 ? 26) SAX
LMC X-4 21 ? 100 ? 2)Ginga 27)SAX

Fig. 1. Change of the CRSF energy with lumi-
nosity in 4U0115+53 taken from Nakajima
2006.9) The dashed line is the prediction
by the height model (E0 = 18 keV).

The first evidence of the change of the cyclotron energy was observed from
4U0115+53 in 1991 with Ginga.3) The double CRSF with fundamental energy of 11
keV in 1990 changed to the single CRSF centered at 17 keV in 1991. This change was
related to the change of the luminosity. The “height model” was proposed and it also
gave a good explanation to the continuous changes observed with RXTE successively
in 1999 in Fig. 1.9) The data also showed a saturation of resonance energy at high
luminosity end, whose mechanism remains unknown.

Now, three questions arise and we carried out Suzaku and RXTE observations.
1. Does CRSF energy change in the low luminosity?
2. Is the break point always at 2 × 1037 erg s−1?
3. Is saturation at high luminosity common?

§2. A0535+26 with Suzaku

The transient X-ray pulsar A0535+26 had a flare in 2005 June and again in
one-orbit later in August. Suzaku observed it on 2005 September 14 to detect the
CRSF in the decaying phase.25) The luminosity was 4×1035 erg s−1, which was 1/10
of the peak in the August flare and 1/100 of the normal flares. Still, Suzaku detected
the CRSF at 45.5 keV, which was the same energy as in the higher luminosities
in Fig. 2. The feature was in absorption, and not in emission as predicted in low
luminosities.28) The resonance energy was constant within two orders of luminosity
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T. Mihara et al., “Cyclotron Observations of Binary X-ray Pulsars”, 
Progress of Theoretical Physics Supplement No 169, 2007
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中性子星の磁場による降着の違い
磁場が強い中性子星(~1012 G)磁場が弱い中性子星(~108 G)

おもに HMXB 中に見られるおもに LMXB 中に見られる

降着円盤は星の表面付近まで到達。
星全体に広く降着 ⇒ パルスは見えない
質量降着によってスピンアップ

磁気圧で止められ磁力線に沿って降着。
磁極に絞られて降着 ⇒ X線パルスが発生
パルス周期は比較的遅い(数十秒~数百秒)

mr�2 =
GmM

r2 v = r� =
�

GM

r

物質がケプラー回転しながら降着

アルフベン半径 RA

B2

8�
= �v2 (B � r�3)

RA~108 cm

48



小質量Ｘ線連星(LMXB) と X 線バースト
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X線バースト

• 弱磁場NSに相手の星からガス降着。
• NSの表面で爆発的な核融合(H→He 
or He→C）。X線バースト。

• NS 表面は一気に加熱され等温に。　
黒体放射をX線として放射し冷却。

• 典型的に ~10秒のタイムスケールで
エディントン光度まで(~1038 erg/s)

• 黒体放射 kT とフラックス Fx からス
テファン=ボルツマン則で半径推定。

R = D

�
FX

�T 4

�1/2

4�D2FX = L = 4�R2�T 4

L46 E. Kuulkers & M. van der Klis: X-ray burst in GX3+1

the spectral analysis of the persistent emission we used data col-
lected in 16 s intervals with 129 spectral channels. We accumu-
lated data stretches of 96 s just before and after the burst, com-
bining the three PCU’s. In order to study the burst properties we
used a mode which provides 64 spectral channels at a time reso-
lution of 16µs; thismode combines information fromall PCU’s.
Spectra during the burst were determined every 0.25 sec during
the first 10 s, and every 0.5 s for the remainder. All spectra were
corrected for background and dead-time using the procedures
supplied by theRXTEGuestObserver Facility.A systematic un-
certainty of 1% was taken into account. For our spectral fits we
confined the energy range to 2.9–20 keV. The hydrogen column
density, NH, towards GX3+1 was fixed to that found by the
Einstein SSS and MPC measurements (1.7·1022 atoms cm−2,
Christian & Swank 1997).

Large amplitude, high coherence brightness oscillations
have been observed during variousX-ray bursts in other LMXBs
(see Strohmayer 1998, 2000). In our search for possible burst
oscillations wemade fast Fourier transforms (FFTs) of data seg-
ments ranging from 0.25 s to 2 s long during the burst, with time
steps of 0.125 s (so-called sliding FFTs). We used the 64 spec-
tral channel and 16 µsec data set, and limited our search to the
50 to 2048Hz frequency range. We performed the search in the
whole PCA energy range (2–60 keV), as well as in a relatively
high energy range (8–60 keV).

3. Results

3.1. Temporal behaviour

The light curve of the burst at low energies is single-peaked,
whereas at high energies it is double-peaked (Fig. 2a,b). The
corresponding hardness curve (Fig. 2c) shows that the burst
first hardens, softens, hardens again, and then gradually softens
again. Our search for burst oscillations yielded negative results.
Previous burst oscillations were found mainly during the rise
to burst maximum and after the radius-expansion phase (see
Strohmayer 1998, 2000). Using the 0.25 s long FFTs in the full
energy range, we derive upper limits on the modulation ampli-
tude of burst oscillations of∼45% at the start of the rise,∼15%
at the maximum of the burst, and ∼20% just after the radius
expansion phase. The upper limits in the 8–60 keV energy band
are ∼60%, ∼20%, and ∼25%, respectively. The 2 s long FFTs
give more stringent upper limits of∼16%,∼6%, and∼9%, re-
spectively, for the full energy range, whereas we derive ∼24%,
∼7%, and ∼10%, respectively, in the 8–60 keV energy band.

3.2. Spectral behaviour

The net burst spectra (i.e. total burst spectrum minus persistent
spectrum) were satisfactorily (χ2

red less than ∼2) modeled by
black-body emission. The results are shown in Fig. 3. A dip in
the black-body temperature, Tbb, ∼2 s after the burst onset is
apparent, simultaneous with an increase of a factor of ∼2 in
the black-body radius, Rbb. The total increase/decrease phase
of Rbb lasts only ∼1.5 sec.

Fig. 2a–c. The X-ray burst light curve at low (a) and high (b) energies
and the corresponding hardness curve (c), all at a time resolution of
0.125 sec. T=0 s corresponds to 1999 August 10, 18:35:53.5 UTC.

Fig. 3a–d. Spectral fit results during the burst: (a) bolometric black-
body flux, Fbol, (b) black-body temperature, Tbb, (c) effective black-
body radius, Rbb, at 5 kpc, and (d) goodness of fit expressed in reduced
χ

2.

LE
TT
ER

Kuulkers and M. van der Klis, A&A (2000)

半径 R

温度 T

フラックス Fx

5 秒
堂谷先生の発表(金曜)
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ミリ秒パルサーの特徴
自転周期が 1-10 ms で電波、X線、ガンマ線で観測される

球状星団で多く見られ、連星中にあることが多い
電波によりパルス周期を精度よく測定できる(太陽系外惑星 PSR B1257+12)

© 1988 Nature  Publishing Group

Fruchter A. S. et al., Nature 1988

球状星団ターザン5連星ミリ秒パルサー PSR  1957+20

wikipedia
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ミリ秒パルサーの起源 (標準進化モデル)
もとは自転周期の長いパルサーが降着の過程(LMXB-NS)でスピンアップした？

HMXB-NS は強磁場、LMXB-NS は弱磁場は本当か？
(反例)
- LMXB でサイクロトロン共鳴を発見 4U 1822-37 (sasano et al., 2013, PASJ)
- 同じく Her X-1 でもサイクロトロン共鳴が存在 
- 若いミリ秒パルサーで磁場が強い兆候のある PSR B1937+21 (Kiziltan et al., 2009, ApJ)
- 自転周期が 5.6 hour と長く強磁場の LMXB 4U 1954+319 (Enoto et al., in prep)

Peter Meszaros, “High-Energy Radiation from Magnetized Neutron Stars”
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中性子星の物理量と多様性 (まとめ)

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

温度 T
(~105-7 K, ~3-4桁ほどの分布)

電波からガンマ線に
及ぶパルス周期観測

P-Pdot ⇒ダイポール磁場
電子サイクロトロン共鳴
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Physics and Observations of Neutron Stars

榎戸 輝揚
新学術領域「実験と観測で解き明かす中性子星の核物質」

第二回ウィンタースクール・中性子星の核物質
2014年12月25日　理化学研究所

中性子星の物理と観測
第二部

磁場 B

自転周期 P
(角運動量)

質量 M
半径 R

温度 T
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バースト活動で ~5 天体ほど発見. 他の中性子星にない特徴.

軟ガンマ線リピーター (Soft Gamma Repeater)

巨大フレア (歴史上 3 件)

100            200           300          40010

 X
(0

.5
 

)-1

102

103

104

- エディントン光度(~1038 erg/s)を 6 桁も超える巨大フレア
- 400 秒に渡って、数十 keV のプラズマを閉じ込めるには B > 1014 G 必要

SGR 1900+14L > 8.3x1044 erg/s
0.35 秒

400 秒

E = 1.2x1044 erg 
(kT~20 keV)

Hurley+07

ショートバースト

SGR 0501+4516

- 数百ミリ秒のスパイク状
- 2 温度の黒体放射

Enoto+09
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1 10 100
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)-1

(c) Duncan

fireball?
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特異Ｘ線パルサー (Anomalous X-ray Pulsar)
定常的で明るい X 線源として ~15 天体ほどが発見. 

1E 1841-045 (SNR Kes73)

Chandra Image (c)CXO

いくつかは SNR に付随

比較的若いパルサーを示唆

パルスした定常 X 線放射 (<10 keV)

(全てのマグネターから検出)

0.5              1              2                    Energy (keV)

P
ho

to
ns

 / 
(c

m
2  s

 k
eV

)
10-4

10-3

10-2

温度 kT ~ 0.4 keV 黒体放射

4U 0142+61
White+96

星表面近くからの熱的な放射

通常の中性子星 ~0.08 keV

パルス1周期

通常の X 線パルサーの枠組みでは十分に説明できない天体
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Ｘ線放射のエネルギー源は？
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X
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度

 (L
X
/E
sd

)
・ Ｘ線放射をまかなえない

星の回転エネルギーで
Ｘ線放射をまかなえる

Ｘ線放射 Lx = 自転エネルギー Esd 
・

Ｘ線光度はスピンダウン光度を 2-3 桁も凌駕 ⇒ 回転駆動型パルサーでない
連星の証拠なし ⇒ 降着駆動型パルサーでない (例: 1E 2259+586 Koyama+89, Kaspi+99 )

Enoto+12
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1. SNR に付随, 遅い自転 P & Pdot 大 ⇒ 若く (τ<100 kyr) & 強磁場B~1014-15 G
2. X線光度 Lx >> スピンダウン光度 Lsd ⇒ 回転駆動型パルサーではない
3. 連星の兆候なし ⇒ 降着駆動型パルサーでない
4. エディントン光度を超えるフレア現象 ⇒ B > 1014 G で散乱断面積の抑制?
5. 陽子サイクロトロン共鳴の兆候 ⇒ B > 1014 G を示唆
6. バースト活動 ⇒ 磁気エネルギーの散逸 (e.g., 磁気リコネクション)??

“マグネター仮説”
B~1014-15 G ときわめて磁場の強い特殊な高密度天体で、内部に蓄えた莫大な
磁場エネルギーを解放して輝く磁気駆動型の天体、マグネターではないか？

Thompson & Duncan+95, 96

QED 臨界磁場

散乱断面積の抑制 　　原子の変形  光子の自然分裂 真空の複屈折

マグネターの観測は地上では到達できない強磁場
極限物理を調べる宇宙の実験室！
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銀河系内にこれまでに発見されたマグネター

G.C.

0°

0°

10°

20°

-10°

-20°

20°40°60°80°100°120°140°160°180°
-20° -40° -60° -80° -100° -120° -140° -160°

ScutumPerseus Sagit. Norma Crux Carina

4U 0142+61 SGR  1900+14 1E 1841-045 SGR 1806-20 1 RXS J1708-40

Hard X-rays

CXOI J1647-45
2006

SGR 0501+4516
2008

SGR 1627-41
2008

1E 1547.0-5408

2008, 2009

SGR 0418+5719
2009

Swift J1822-1606

SGR 1833-0832
2010

2011

Swift J1834-0846
2011

新しいマグネターが年に 1-2 個ほど見つかるようになってきた

1. ガンマ線バースト観測衛星 Swift が継続時間 ~100 ms のバーストを検出。
2. 引き続き、継続時間の短いバーストが連射されることを確認。
3. 直後のフォローアップ観測で増光したX線天体を発見。
4. 世界中のX線衛星、可視光・電波天文台がフォローアップ観測が実施。
5. 過去のアーカイブデータから暗いX線天体が同定。
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Swift/XRT 
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AXP 1E 1547.0-5408 の X 線アウトバースト
周期 2.1 秒の比較的暗く、定常的に光っている特異Ｘ線パルサー. 
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2009年1月22日 「すざく」衛星 WAM 検出器
4 時間

すざく緊急観測

すざく追観測
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 定常Ｘ線が~2-3 桁も突発増光。数ヶ月かけて減光。
X線で極めて明るいショートバーストも頻発

Enoto et al., 2010, 2011
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kT~0.4 keV 2006年 XMM 静穏期の観測
(Gelfand+07)

すざく緊急観測 2009年1月(33 ks)
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星表面の熱放射 ハード成分
kT ~ 0.7 keV

Γ ~ 1.5

Enoto+09

Γ ~ 1.11 (-0.1, +0.1)

kT ~ 0.65 keV 
(2.9 km)

星表面からの放射に加え、磁気圏からの硬X線を世界で初めて検出。
１年後の追観測でも追認。

マグネターX線放射 = 星表面の熱的放射＋磁気圏の放射
63



日本の X 線衛星「すざく」による系統的な観測
 新たに見つかったハード成分を「すざく」で次々検出
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4U 0142+61 (70 kyr)(Enoto+2010)
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 マグネターの広帯域スペクトルの系統的進化を発見
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マグネター広帯域スペクトルは、パルサーの特性年齢や磁場強度に伴い、
スペクトル進化する兆候を発見。SGR/AXP に統一的な解釈できる？

Enoto et al., ApJL (2010)
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ハード放射

加速された粒子？
4.

磁気構造の変化
⇒ リコネクション
⇒ ファイヤーボール形成 ⇒バースト？

3.

Ｘ線アウトバーストにおけるエネルギー解放

マグネター 磁気圏

星内部でクラストの破壊
⇒ 星震の発生
⇒ グリッジの発生

磁場エネルギー ⇒ 熱エネルギー

1.

星表面へ熱の伝導
⇒ ホットスポットの形成

2. 星表面の熱的放射

バースト放射磁力線
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マグネター仮説は正しいか？
日本天文学会 天文月報 7月号 「硬X線によるマグネター研究の進展 ~宇宙で最強の磁石星？~」

Google で “天文月報”、”マグネター” で検索
http://www.asj.or.jp/geppou/contents/2012_07.html
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熱エネルギー: X-ray Dim Isolated Neutron Stars
地球近傍にある電波放射のない孤立中性子星。数秒の自転周期と熱的なＸ線放射。

X 線イメージ
2 Frank Haberl

Table 1 X-ray and optical properties of the Magnificent Seven

Object kT Period Amplitude Optical PM Ref.
eV s % mag mas/year

RXJ0420.0–5022 44 3.45 13 B = 26.6 1
RXJ0720.4–3125 85-95 8.39 8-15 B = 26.6 97 2,3,4,5,6
RXJ0806.4–4123 96 11.37 6 B > 24 7,1
RBS 1223(a) 86 10.31 18 m50ccd = 28.6 8,9,10,11
RXJ1605.3+3249 96 6.88? ? B = 27.2 145 12,13,14,15
RXJ1856.5–3754 62 − <1.3 B = 25.2 332 16,17,18,19
RBS 1774(b) 102 9.44 4 B > 26 20,21,22

(a) = 1RXSJ130848.6+212708
(b) = 1RXSJ214303.7+065419
References:
(1) Haberl et al. (2004a) (2) Haberl et al. (1997) (3) Cropper et al. (2001)
(4) Haberl et al. (2004b) (5) de Vries et al. (2004) (6) Motch et al. (2003)
(7) Haberl & Zavlin (2002) (8) Schwope et al. (1999) (9) Hambaryan et al. (2002)
(10) Kaplan et al. (2002a) (11) Haberl et al. (2003) (12) Motch et al. (1999)
(13) Kaplan et al. (2003a) (14) van Kerkwijk et al. (2004) (15) Motch et al. (2005)
(16) Walter & Matthews (1997) (17) Walter & Lattimer (2002) (18) Burwitz et al. (2003)
(19) van Kerkwijk & Kulkarni (2001b) (20) Zampieri et al. (2001) (21) Zane et al. (2005) (22) Komarova (2006)

2004). The ROSAT PSPC spectra with low energy res-
olution were consistent with Planckian energy distribu-
tions with blackbody temperatures kT in the range 40
– 100 eV and little attenuation by interstellar absorp-
tion. More recent high resolution observations of the two
brightest objects RXJ1856.4–3754 (Burwitz et al. 2001)
and RXJ0720.4–3125 (Paerels et al. 2001; Pavlov et al.
2002; Kaplan et al. 2003b) were performed using the low
energy transmission grating (LETG) aboard Chandra
and the reflection grating spectrometers (RGS) of XMM-
Newton. In particular the high signal to noise LETG
spectrum from a 500 ks Chandra observation of RXJ1856.4–
3754 did not reveal any significant deviation from a black-
body spectrum (Burwitz et al. 2001, 2003). The statis-
tical quality and energy band coverage of the RGS and
LETG spectra of RXJ0720.4–3125 are however insuffi-
cient to detect subtle narrow features in the spectrum
(Paerels et al. 2001).

Four of the M7 exhibit clear pulsations in their X-
ray flux, indicating the spin period of the neutron star
(RXJ0420.0–5022, RXJ0720.4–3125,RX J0806.4–4123 and
RBS 1223) and there is evidence that also RBS 1774 is
a pulsar (Zane et al. 2005). A possible candidate period
for RXJ1605.3+3249 needs future confirmation. A sum-
mary with blackbody temperatures derived from (phase-
averaged) EPIC-pn spectra, spin periods, amplitudes for
the flux modulation, optical brightness and measured
proper motions is given in Table 1 together with key
references for each object. Despite extensive searches in
ROSAT data (e.g. Rutledge et al. 2003; Chieregato et al.
2005; Agüeros et al. 2006) no further neutron star with
similar characteristic properties was found.

The first significant deviations from a blackbody spec-
trum were reported by Haberl et al. (2003) from EPIC
spectra of RBS 1223. A broad absorption feature near
300 eV was interpreted as proton cyclotron resonance ab-

sorption. Apart from this absorption line with an equiv-
alent width of 160 eV the X-ray spectrum of RBS 1223 is
blackbody-like. Haberl et al. (2003) also suggested that
changes in the soft part of the X-ray spectrum of the
pulsar RX J0720.4–3125 with pulse phase reported by
Cropper et al. (2001) are caused by variable cyclotron
absorption (Haberl et al. 2004b). Cyclotron resonance
absorption features in the 0.1–1.0 keV band are expected
in spectra from strongly magnetized neutron stars with
field strengths in the range of 1010−1011 G or 2×1013−

2×1014 G if caused by electrons or protons, respectively
(see e.g. Zane et al. 2001; Zavlin & Pavlov 2002). Varia-
tion of the magnetic field strength over the neutron star
surface leads to a broadening of the line (Ho & Lai 2004).

The relatively long spin periods in the range of 3.45 s
− 11.37 s (the majority of radio pulsars has periods less
than 1 s) were the first indicator for strong magnetic
fields. If the stars were born with millisecond spin pe-
riods, age estimates from neutron star cooling curves
(Page et al. 2006) and proper motions (tracing the neu-
tron star back to a likely birth place, Motch et al. 2006)
of typically 106 years require B fields of the order of 1013

G to decelerate the rotation of the stars to their current
periods. This was recently confirmed by the accurate de-
termination of the pulse period derivative Ṗ of 0.698 ×

10−13 s s−1 and 1.120×10−13 s s−1 for RXJ0720.4–3125
and RBS 1223, respectively (Kaplan & van Kerkwijk 2005a,b).
In the magnetic dipole braking model this yields charac-
teristic ages of 1.9× 106 years and 1.5× 106 years and B
field strengths of 2.4 × 1013 G and 3.4 × 1013 G, respec-
tively. Such strong fields supports the picture in which
the broad absorption lines – if due to cyclotron resonance
– at least for RXJ0720.4–3125 and RBS 1223 are caused
by protons.

(Haberl, 2008)

Optical identifications RX J1856.5-3754

Distance 117 ± 12 pc                                 HST

Proper motion 332 mas y 81

Tangential space velocity 185 km s 81 

Walter (2001);  Walter & Lattimer (2002)

Bowshock Nebula                         VLT

Kerkwijk & Kulkarni (2001)

RX J1856.5-3754

可視光 RX J1856.5-3754

68



熱エネルギー: Compact Central Object
若い超新星残骸の中心の軟Ｘ線源。電波放射のないＸ線で検出できる孤立中性子星？

Pavlov & Luna, ApJ, 2009

(De Luca, 2007)

No. 1, 2010 SPIN-DOWN MEASUREMENT OF PSR J1852+0040 437

Table 1
Central Compact Objects in Supernova Remnants

CCO SNR Age d P fpa Bs Lx,bol References
(kyr) (kpc) (s) (%) (1011 G) (erg s−1)

RX J0822.0 − 4300 Puppis A 3.7 2.2 0.112 11 <9.8 6.5 × 1033 1, 2
CXOU J085201.4 − 461753 G266.1 − 1.2 1 1 · · · <7 · · · 2.5 × 1032 3, 4, 5, 6, 7
1E 1207.4 − 5209 PKS 1209 − 51/52 7 2.2 0.424 9 <3.3 2.5 × 1033 8, 9, 10, 11, 12
CXOU J160103.1 − 513353 G330.2 + 1.0 !3 5 · · · <40 · · · 1.5 × 1033 13, 14
1WGA J1713.4 − 3949 G347.3 − 0.5 1.6 1.3 · · · <7 · · · ∼1 × 1033 7, 15, 16
CXOU J185238.6 + 004020 Kes 79 7 7 0.105 64 0.31 5.3 × 1033 17, 18, 19, 20
CXOU J232327.9 + 584842 Cas A 0.33 3.4 · · · <12 · · · 4.7 × 1033 20, 21, 22, 23, 24

XMMU J172054.5 − 372652 G350.1 − 0.3 0.9 4.5 · · · · · · · · · 3.4 × 1033 25
XMMU J173203.3 − 344518 G353.6 − 0.7 ∼27 3.2 · · · · · · · · · 1.0 × 1034 26, 27, 28
CXOU J181852.0 − 150213 G15.9 + 0.2 1 − 3 (8.5) · · · · · · · · · ∼1 × 1033 29

Notes. Above the line are seven well-established CCOs. Below the line are three candidates.
a Upper limits on pulsed fraction are for a search down to P = 12 ms or smaller.
References. (1) Hui & Becker 2006; (2) Gotthelf & Halpern 2009; (3) Slane et al. 2001; (4) Kargaltsev et al. 2002; (5) Bamba et al. 2005; (6) Iyudin et al.
2005; (7) De Luca 2008; (8) Zavlin et al. 2000; (9) Mereghetti et al. 2002a; (10) Bignami et al. 2003; (11) De Luca et al. 2004; (12) Gotthelf & Halpern 2007;
(13) Park et al. 2006; (14) Park et al. 2009; (15) Lazendic et al. 2003; (16) Cassam-Chenaı̈ et al. 2004; (17) Seward et al. 2003; (18) Gotthelf et al. 2005;
(19) Halpern et al. 2007; (20) this paper; (21) Pavlov et al. 2000; (22) Chakrabarty et al. 2001; (23) Mereghetti et al. 2002b; (24) Pavlov & Luna 2009;
(25) Gaensler et al. 2008; (26) Tian et al. 2008; (27) Acero et al. 2009; (28) Halpern & Gotthelf 2009; (29) Reynolds et al. 2006.

and the high-quality X-ray spectrum and pulse profile that
were obtained from the summed observations are the subject of
Section 2.2. Discussion of the anti-magnetar model and possi-
ble explanations for the X-ray spectrum appear in Section 3,
followed by the conclusions in Section 4.

In this paper, we adopt a distance of 7.1 kpc to Kes 79 from
H i and OH absorption studies (Frail & Clifton 1989; Green
& Dewdney 1992) updated using the Galactic rotation curve of
Case & Bhattacharya (1998). We also assume the dynamical
estimate of 5.4–7.5 kyr for the age of the SNR from Sun et al.
(2004).

2. X-RAY OBSERVATIONS

After the first four timing observations of PSR J1852+0040
in 2004 and 2006 (Paper II), it was evident that the frequency
derivative ḟ was too small to measure without obtaining a
phase-coherent series of observations spanning several years.
The most economical way to measure ḟ is to begin with a
logarithmically spaced sequence of observations that maintains
the absolute cycle count φ(t)/2π and measures the frequency f
with increasing accuracy, until the small quadratic term in the
phase ephemeris

φ(t)
2π

= f (t − t0) +
1
2
ḟ (t − t0)2 + · · ·

begins to make a significant contribution to the phase. In this
case, it was also deemed possible (Paper II) that accretion from
fall-back material could contribute timing irregularities known
as torque noise, of a magnitude comparable to the existing upper
limits on dipole spin-down. This made it all the more important
to obtain a well-sampled ephemeris that could test for such
effects.

Unfortunately, maintaining cycle count would require more
observations classified as time-constrained than the Chandra
X-ray Observatory allocates to any one project, while for
XMM-Newton, semiannual visibility windows for this source
are only 40 days long, not wide enough to securely bridge
over the intervening five month gaps. It took until 2008 to
implement a strategy that uses the two satellites in a coordinated

fashion, filling two XMM-Newton visibility windows with six
observations each of variable spacing, while requesting pairs of
Chandra observations to bridge the gaps between and after the
two XMM-Newton windows. In this manner, a phase-coherent
timing solution spanning 1.7 year could be achieved, which
could also be extrapolated backward to incorporate the earlier
observations. All but one of the approved observations in 2008–
2009 were performed as planned. Due to a loss of contact with
the XMM-Newton spacecraft, the last observation of 2008 was
rescheduled to 2009, but this did not compromise the success of
the program. We were thus able to obtain a fully coherent timing
solution incorporating all of the observations listed in Table 2,
including the earliest ones, spanning 4.8 year in total.

All of the XMM-Newton observations used the pn detector
of the European Photon Imaging Camera (EPIC-pn) in “small
window” (SW) mode to achieve 5.7 ms time resolution, and
an absolute uncertainty of ≈3 ms on the arrival time of any
photon. We processed all EPIC data using the emchain and
epchain scripts under Science Analysis System (SAS) version
xmmsas_20060628_1801-7.0.0. The leap second at the end of
2008 was inserted manually. Simultaneous data were acquired
with the EPIC MOS cameras, operated in “full frame” mode.
Although not useful for timing purposes because of the 2.7 s
readout, the location of the source at the center of the on-axis
MOS CCDs allows a better background measurement to test
for flux variability, an important indicator of accretion, than the
EPIC-pn SW mode.

The Chandra observations used the Advanced Camera for
Imaging and Spectroscopy (ACIS) in continuous-clocking (CC)
mode to provide time resolution of 2.85 ms. This study uses
data processed by the pipeline software revisions v7.6.9–v8.0.
Reduction and analysis used the standard software package
CIAO (v3.4) and CALDB (v3.4.2). The photon arrival times
in CC mode are adjusted in the standard processing to account
for the known position of the pulsar, spacecraft dither, and SIM
offset. Absolute accuracy of the time assignment in Chandra
CC-mode is limited by the uncertainty in the position of
the pulsar, which was determined in Paper II from an ACIS
image. The typical accuracy of ≈1 pixel then corresponds to
an uncertainty of ≈3 ms, which is similar to the XMM-Newton
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電波パルサー
ミリ秒パルサー

熱エネルギー

CCO
XDINS

大質量Ｘ線連星
小質量Ｘ線連星

重力エネルギー

軟ガンマ線リピーター
特異Ｘ線パルサー

磁場エネルギー

B~108-12 G  B~1011-12 G  

B~?? B~1014-15 G

中性子星のエネルギー源
回転エネルギー
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超新星残骸パルサー星雲

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

中性子星の物理量と多様性 (まとめ)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

温度 T
(~105-7 T, ~3-4桁ほどの分布)

質量降着率 M
•

普通の星
白色矮星

中性子星の
多様性の源

中性子星の基本的な物理パラメータの違いに加え、周辺環境との相互作用で
多様な系が現れる(Neutron Star Zoo)。複雑だが、かつ面白い。

易

易

難

難

さらに難
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中性子星の質量・半径は内部状態方程式と対応

NS62CH19-Lattimer ARI 18 September 2012 8:10
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Figure 1
(a) Schematic hadronic (solid curves) and pure strange quark matter (dashed curves) equations of state. (b) The
corresponding M−R relations. Arrows connect specific central energy density and pressure values with their
corresponding (M, R) points. The numbers labeling hadronic arrows denote central baryon densities nc /ns ,
and those labeling strange quark matter arrows indicate εc /εs . The uppermost arrows in each case mark the
maximum mass configurations.

For the case in which γ ∼ 4/3, valid for hadronic matter at densities below ρs /3 (where the
pressure is dominated by relativistic degenerate electrons), M ∝ K 3/2 R0, which is independent
of radius. At extremely large radii (R ! 300 km), the mass starts to increase as configurations
approach the white dwarf (WD) range (such configurations have much larger proton concentra-
tions). Thus, there is a minimum stable mass for neutron stars, which is approximately 0.09 M $

(11), when R ∼ 200–300 km.
For higher densities, in the range εs − 3εs , the typical behavior of hadronic EOSs is γ ∼ 2

(Figure 2). In this case, the scaling becomes R ∝ K 1/2 M 0, and the radii are nearly independent
of mass.

In the hadronic case, both asymptotic behaviors are apparent in Figure 1, and the transition
between them occurs near nc ∼ ns . At high densities, general relativity becomes dominant and
causes the formation of a maximum mass. In the case of SQM stars at low densities, the large value
of B essentially results in γ → ∞ so that R ∝ K 0 M 1/3, a behavior also shown in Figure 1.

An interesting feature of Figure 1 is that the SQM and hadronic EOSs predict very similar
M−R trajectories in the range 1.5 < M /M $ < 2. It would clearly be difficult, on the basis of
observational M−R data alone, to distinguish these trajectories. This observation suggests that
other data, such as neutron star cooling information (12), will be necessary to confirm the existence
of SQM stars.

It is useful to display M−R curves for various realistic EOSs, as demonstrated in Figure 3 for
several of the EOSs plotted in Figure 2. Those hadronic EOSs with extreme softening (due to
a kaon or pion condensate, high abundances of hyperons, or a low-density quark-hadron phase
transition) do not have pronounced vertical segments, but they also do not allow the existence of a
2-M $ neutron star (see Section 3) and, therefore, cannot be physical. The M−R curves that have
attained sufficient mass have vertical segments with radii varying from 10 to 16 km (the extreme

488 Lattimer
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James M. Lattimer, “The Nuclear Equation of State and 
Neutron Star Masses”, Annu. Rev. Nucl. Part. Sci. 2012
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質量を測る: 連星の公転運動を使う
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質量を測る: 連星の公転運動を使う

C.M.

M1

M2

a

a1 a2

inclination i

G · M1 + M2

a3
=

�
2�

P

�2

M1a1 �M2a2 = 0

Kepler の法則

重心

Doppler 振幅 v1 =
2�

P
a1 sin(i)

f(M1,M2, i) =
(M2 sin i)3

(M1 + M2)2
=

Pv3
1

2�G
観測量

fX =
(MO sin i)3

(MX + MO)2
fO =

(MX sin i)3

(MX + MO)2
q =

MX

MO
=

�
fO

fX

�1/3

X線連星の場合、

MX =
fXq(1 + q)2

sin3 i

inclination は
a) 可視光のライトカーブ
b) X 線星の食
などを利用して求める。
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(例1) X-ray Pulsar (NS+OB Supergiant)

sin i =
�

1� (R/a)2

sin �e

θe : eclipse half angle
R : Optical stellar radius
a : Orbital separation

Rawls+2011
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(例1) X-ray Pulsar (NS+OB Supergiant)

8.0 % 
23%
11%
8.6%
11%
31%

相対誤差

質量関数 f(MX, MO, i) は、連星運動のドップラー観測から精度よく求まる。
これから中性子星(X線星)の質量を測定するには、inclination i  と 伴星(一

般には可視光天体)の質量 Moを精度良く求める必要がある。

Rawls+2011
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(例2) Binary Pulsar (NS+NS System)
PSR 1913+16 の電波観測 (重力波の間接的証拠として 1993 年にノーベル賞)

Taylor & Weisberg (1982)
MNS1 = 1.41+/-0.06 Msun (4.3%)
MNS2 = 1.41+/-0.06 Msun (4.3%)

Weisberg & Taylor (2010)
MNS1 = 1.4398+/-0.0002 Msun (0.013%)
MNS2 = 1.3886+/-0.0002 Msun (0.014%)

一般相対論のみに立脚しモデル依存が少ない

78



中性子星の質量

James M. Lattimer, “The Nuclear Equation of State and 
Neutron Star Masses”, Annu. Rev. Nucl. Part. Sci. 2012

NS62CH19-Lattimer ARI 18 September 2012 8:10
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J1807-2500B (29)
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Figure 7
Measured neutron star masses with 1-σ errors. References in parentheses following source names are identified in Table 1.
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異なる中性子星の種族での質量

F. Ozel, “On the Mass Distribution and Birth Masses of 
Neutron Stars”, Astro. Phys. Jour. 757, 2012

18

Fig. 15.— The inferred mass distributions for the different populations of neutron stars (top) and black holes (bottom) discussed in
the text. The dashed lines correspond to the most likely values of the parameters. For the different neutron star populations these are:
M0 = 1.33M! and σ = 0.05M! for the double neutron stars, M0 = 1.28M! and σ = 0.24M! for the other neutron stars near their birth
masses, and M0 = 1.48M! and σ = 0.20M! for the recycled neutron stars. For the case of black holes, we used the exponential distribution
with a low mass cut-off at Mc = 6.32M! and a scale of Mscale = 1.61M! obtained in Özel et al. (2010a). The solid lines represent the
weighted mass distributions for each population, for which appropriate fitting formulae are given in the Appendix. The distributions for
the case of black holes have been scaled up by a factor of three for clarity.

neutron stars, M0 = 1.28M! and σ = 0.28M! for other neutron stars near their birth mass, and M0 = 1.48M! and
σ = 0.22M! for recycled neutron stars.
We also obtained a fitting formula for the normalized weighted mass distribution of black holes (solid line in the

bottom panel of Fig. 15) for MBH > 5M! that approximates the numerical result to within 3%:

P (MBH) =
{

A(MBH)
n +

[

B(MBH)
−n + C(MBH)

−n
]−1

}1/n
, (A1)

where

A(MBH)=4.367− 1.7294MBH + 0.1713M2
BH

B(MBH)=14.24 exp(−0.542MBH)

C(MBH)=3.322 exp(−0.386MBH)

n=−10.0 . (A2)
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(例3) Shapiro Delay (NS+WD System)
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(例3) Shapiro Delay (NS+WD System)

曲がった空間を通過する際のパルスの遅れ

⇥t = �Rs

c
ln(1� uNS · uWD)

Rs =
2GM

c2

MWD = 0.500+/-0.006 Msun (1.2%)
      i = 89.17+/-0.02 deg  (0.02 %)

MNS = 1.97+/-0.04 Msun (2.0%)

Demorest+2010

most inclined pulsar system J1614-2230

Schwarzschild radius of gravitational mass

uNS ,uWD

Unit vector pointing to the NS, WD

質量の測定精度は 0.01-10% ほどが達成。
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半径を測る: 中性子星表面からの黒体放射

common feature of models that include the appearance of ‘exotic’
hadronic matter such as hyperons4,5 or kaon condensates3 at densities
of a few times the nuclear saturation density (ns), for example models
GS1 and GM3 in Fig. 3. Almost all such EOSs are ruled out by our
results. Our mass measurement does not rule out condensed quark
matter as a component of the neutron star interior6,21, but it strongly
constrains quark matter model parameters12. For the range of allowed
EOS lines presented in Fig. 3, typical values for the physical parameters
of J1614-2230 are a central baryondensity of between 2ns and 5ns and a
radius of between 11 and 15 km, which is only 2–3 times the
Schwarzschild radius for a 1.97M[ star. It has been proposed that
the Tolman VII EOS-independent analytic solution of Einstein’s
equations marks an upper limit on the ultimate density of observable
cold matter22. If this argument is correct, it follows that our mass mea-
surement sets an upper limit on this maximum density of
(3.746 0.15)3 1015 g cm23, or ,10ns.
Evolutionary models resulting in companion masses.0.4M[ gen-

erally predict that the neutron star accretes only a few hundredths of a
solar mass of material, and result in a mildly recycled pulsar23, that is
one with a spin period.8ms. A few models resulting in orbital para-
meters similar to those of J1614-223023,24 predict that the neutron star
could accrete up to 0.2M[, which is still significantly less than the
>0.6M[ needed to bring a neutron star formed at 1.4M[ up to the
observed mass of J1614-2230. A possible explanation is that some
neutron stars are formed massive (,1.9M[). Alternatively, the trans-
fer of mass from the companion may be more efficient than current
models predict. This suggests that systems with shorter initial orbital
periods and lower companion masses—those that produce the vast
majority of the fully recycled millisecond pulsar population23—may
experience even greater amounts of mass transfer. In either case, our
mass measurement for J1614-2230 suggests that many other milli-
second pulsars may also have masses much greater than 1.4M[.
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Théor. 44, 263–292 (1986).

15. Freire, P.C.C.&Wex,N.Theorthometricparameterisationof theShapirodelay and
an improved test of general relativity with binary pulsars.Mon. Not. R. Astron. Soc.
(in the press).

16. Iben, I. Jr & Tutukov, A. V. On the evolution of close binaries with components of
initial mass between 3 solar masses and 12 solar masses. Astrophys. J Suppl. Ser.
58, 661–710 (1985).
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Figure 3 | Neutron star mass–radius diagram. The plot shows non-rotating
mass versus physical radius for several typical EOSs27: blue, nucleons; pink,
nucleons plus exoticmatter; green, strange quarkmatter. The horizontal bands
show the observational constraint from our J1614-2230 mass measurement of
(1.976 0.04)M[, similar measurements for two other millisecond pulsars8,28

and the range of observed masses for double neutron star binaries2. Any EOS
line that does not intersect the J1614-2230 band is ruled out by this
measurement. In particular, most EOS curves involving exotic matter, such as
kaon condensates or hyperons, tend to predict maximum masses well below
2.0M[ and are therefore ruled out. Including the effect of neutron star rotation
increases themaximum possiblemass for each EOS. For a 3.15-ms spin period,
this is a=2% correction29 and does not significantly alter our conclusions. The
grey regions show parameter space that is ruled out by other theoretical or
observational constraints2. GR, general relativity; P, spin period.
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半径と温度を測る: 中性子星表面からの黒体放射
温度 T, 半径 R の黒体放射の星が距離 d にある場合、観測されるフラックス F は、

L = 4�R2 · ⇥T 4 F = L/(4�d2)

R = d
�

F/(�T 4)

星の半径 R を精度よく求めるには、
1) 天体までの距離 d が精度よく求まる、
2) 黒体放射の仮定から大きくずれない、
という条件を満たす必要がある。

common feature of models that include the appearance of ‘exotic’
hadronic matter such as hyperons4,5 or kaon condensates3 at densities
of a few times the nuclear saturation density (ns), for example models
GS1 and GM3 in Fig. 3. Almost all such EOSs are ruled out by our
results. Our mass measurement does not rule out condensed quark
matter as a component of the neutron star interior6,21, but it strongly
constrains quark matter model parameters12. For the range of allowed
EOS lines presented in Fig. 3, typical values for the physical parameters
of J1614-2230 are a central baryondensity of between 2ns and 5ns and a
radius of between 11 and 15 km, which is only 2–3 times the
Schwarzschild radius for a 1.97M[ star. It has been proposed that
the Tolman VII EOS-independent analytic solution of Einstein’s
equations marks an upper limit on the ultimate density of observable
cold matter22. If this argument is correct, it follows that our mass mea-
surement sets an upper limit on this maximum density of
(3.746 0.15)3 1015 g cm23, or ,10ns.
Evolutionary models resulting in companion masses.0.4M[ gen-

erally predict that the neutron star accretes only a few hundredths of a
solar mass of material, and result in a mildly recycled pulsar23, that is
one with a spin period.8ms. A few models resulting in orbital para-
meters similar to those of J1614-223023,24 predict that the neutron star
could accrete up to 0.2M[, which is still significantly less than the
>0.6M[ needed to bring a neutron star formed at 1.4M[ up to the
observed mass of J1614-2230. A possible explanation is that some
neutron stars are formed massive (,1.9M[). Alternatively, the trans-
fer of mass from the companion may be more efficient than current
models predict. This suggests that systems with shorter initial orbital
periods and lower companion masses—those that produce the vast
majority of the fully recycled millisecond pulsar population23—may
experience even greater amounts of mass transfer. In either case, our
mass measurement for J1614-2230 suggests that many other milli-
second pulsars may also have masses much greater than 1.4M[.
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Figure 3 | Neutron star mass–radius diagram. The plot shows non-rotating
mass versus physical radius for several typical EOSs27: blue, nucleons; pink,
nucleons plus exoticmatter; green, strange quarkmatter. The horizontal bands
show the observational constraint from our J1614-2230 mass measurement of
(1.976 0.04)M[, similar measurements for two other millisecond pulsars8,28

and the range of observed masses for double neutron star binaries2. Any EOS
line that does not intersect the J1614-2230 band is ruled out by this
measurement. In particular, most EOS curves involving exotic matter, such as
kaon condensates or hyperons, tend to predict maximum masses well below
2.0M[ and are therefore ruled out. Including the effect of neutron star rotation
increases themaximum possiblemass for each EOS. For a 3.15-ms spin period,
this is a=2% correction29 and does not significantly alter our conclusions. The
grey regions show parameter space that is ruled out by other theoretical or
observational constraints2. GR, general relativity; P, spin period.
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状態方程式の議論をするためなら、
R の相対測定精度は 10% ほどが要求？
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(例1) RX J1856.5-3754

最も地球に近い孤立中性子星 X-ray Dim Isolated Neutron Star
星表面からの熱放射により輝く。可視光/X線で検出。

距離の推定

d = 61 (+9, -8) pc   (~15%)             Walter+2001

d = 142 (+58, -39) pc   (~45%)       Kaplan+2002

d = 117 (+12, -12) pc   (~10%)       Walter+2002

近傍で可視光で検出できるので、HST で視差が使える。

教訓
1) 距離の推定は難しい
2) そもそも測定の系統誤差の評価が甘い
3) 相対誤差にして数十%が現状の限界
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(例1) RX J1856.5-3754

星を一様な黒体放射で仮定してよいか？
1) 磁場・大気モデルの依存性はないか？ (spectral feature がなければよい)
2) 星表面を一様温度で仮定できるか？(パルスがなく、一温度で近似できる)
3) 星間空間のX線吸収の仮定は正しいか？

温度の推定

We applied the Bayesian method of Gregory & Loredo
(1992) to both the time-corrected and uncorrected zeroth-
order event lists. The method tests for variability by com-
paring the fits of periodic stepwise models to the data with
the fit of a constant model. The odds favoring variability
(based on eq. [5.28] of Gregory & Loredo 1992, with a maxi-
mum number of steps mmax ¼ 12 and limiting angular fre-
quencies !lo and !hi equal to 10"4 and 103, respectively)
were found to be 1:45# 10"4 for the whole data set and
3:75# 10"3 for the data filtered on !t ¼ 2 ms, both to be
compared with an odds value of 102 needed for a confident
pulsation or variability detection.

Our second method employed a fast Fourier transform
(FFT) analysis applied to the combined zeroth and first-
order events, followed by a likelihood ratio test (LRT) to
determine limits on the pulse fraction. The FFT power dis-
tribution was consistent with shot noise. For the LRT of
a given period, P, the data were binned into N phase bins,
giving ni counts in each. The source model was
y ¼ Aþ f cosð"i þ "0Þ, where "i is the phase of bin i and "0
is the phase of the pulse and f =A is the pulse fraction. The
likelihood equations were then solved for A and the process
applied to greater than 500 frequencies where the FFT
power exceeded a critical level in the frequency range of
0.001–50 Hz. By also including the dispersed events, we
improved the signal-to-noise ratio of the result by a factor
of 1.47 compared with using the zeroth order alone, and we
could obtain a pulse fraction limit lower than the value of
4.5% obtained by Ransom et al. (2002) in their unacceler-
ated search. A pulse fraction upper limit (99% confidence)
of 2.7% was derived applying our likelihood ratio method
using all data, including the dispersed events with
1 G < # < 70 Å. Taking only the events limited by
!t < 2 ms, the pulse fraction limit is 10%.

Third, we computed the Lomb-Scargle periodogram for
both the time-corrected and uncorrected photon arrival
time differences in the frequency range of 0.01–1 Hz for the
events in ObsID 3380, 3381, 3382, and 3399. Again, no sig-
nificant peaks were present.

The assumption of a negligible deceleration term in our
period search restricts the range of periods and dipole mag-
netic field strengths for which our search is valid. The coher-
ence limit for phase slippage by 10% over the duration of the
2001 October observations implies that our result is valid
for a magnetic field upper limit of B < 2:3# 1013P3=2 G
for period P s (e.g., Shapiro & Teukolsky 1983). As noted
by Ransom et al. (2002), this range would exclude very
young and energetic neutron stars, such as the Crab and
Vela pulsars, though most of these younger objects are
also conspicuously strong radio pulsars. All anomalous
X-ray pulsars would lie within our sensitivity limit range.
RX J1856.5"3754 is also most unlikely to be an extremely
young object based on its modest temperature and lumi-
nosity, which are consistent with an object of age '105 yr
on canonical cooling curves (e.g., Tsuruta 1997).

4. SPECTRAL ANALYSIS AND MODEL
PARAMETER ESTIMATION

Spectral analysis in the form of model parameter estima-
tion was undertaken using the CIAO Sherpa fitting engine
and independently using specially written IDL software.
Cursory inspection of the spectrum leads immediately to the
conclusion that there are no obvious features indicative of

absorption lines or edges. We found that blackbody models
represent the high-resolution spectra well, in agreement
with earlier studies. We modeled +1 and "1 orders both
separately and simultaneously and added together; results
from these different approaches were statistically indistin-
guishable. Representative results of model fits and residuals
are illustrated in Figure 1. Two sets of best-fit parameters
were obtained from independent analyses that invoked (1)
the existing first- and higher order CXC calibration6 and (2)
the same first-order effective area with higher orders modi-
fied slightly to improve model fits to sources with power-law
spectra (H. L. Marshall et al. 2002, in preparation). Both
sets are consistent with the results of Burwitz et al. (2001)
based on the 2000 March observation alone. Parameters
and 1 $ statistical uncertainties for best-fit models were: (1)
T ¼ 61:2( 0:3 eV, NH ¼ ð1:10( 0:02Þ # 1020 cm"2, X-ray
luminosity ð2:96( 0:03Þ # 1031D2

100 ergs s"1, where D100 is
the distance in units of 100 pc, (2) T ¼ 61:1( 0:3 eV,
NH ¼ ð0:81( 0:02Þ # 1020 cm"2, X-ray luminosity
ð3:16( 0:03Þ # 1031D2

100 ergs s"1. Parameters producing
minima in the %2 test statistic were not sensitive to the exact
binning adopted, though of course the reduced %2 values
were the following: values ranged from 0.94 for data binned
to a signal-to-noise ratio of S=N ¼ 10 to 1.7 for S=N ¼ 30.
The latter value is dominated by residual effective area cali-
bration uncertainties. To investigate the effects of these
uncertainties, which are estimated to be about 15% abso-
lutely, a first-order polynomial term was included in the
source model to mimic an effective area lower by 15% at
20 Å and higher by 15% at 100 Å and vice versa. Such a
slope skews the blackbody curve and leads systematically to

Fig. 1.—Combined positive and negative order spectra of RX
J1856.5"3754 binned at 0.5 Å intervals, shown with the best-fit blackbody
model with parameters corresponding to method 2 in x 4 and residuals
(observations"model). The deviations from this model are consistent with
Poisson statistics after allowing for calibration uncertainties at the C K
edge and over broader wavelength intervals. The apparent edge at 60 Å
results primarily from one of the HRC-S plate gap boundaries and small
residual QE differences between positive- and relative negative-order outer
plates.

6 Version dated 2000 October 31, available on-line at
http://asc.harvard.edu/cal/Links/Letg/User.
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Drake et al., ApJ, 2002 では Chandra の観測からの
温度 T ~ 60 eV と前述の距離より
半径 R = 3.8--8.2 km 

と報告した。中性子星としては小さな半径なので、
クォーク星の可能性もあるとして議論を呼んだ。

Drake 論文では上の 1) 2) が成り立つと仮定した。
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(例1) RX J1856.5-3754

V. Burwitz et al.: The thermal radiation of RX J1856.5–3754 observed with Chandra and XMM-Newton 1113

Fig. 3. (Left) Two-component blackbody model with optical (van Kerkwijk & Kulkarni 2001; Pons et al. 2002) and Chandra LETGS X-ray
data. (Right) One-component blackbody model that requires a surface emissivity in the X-ray band, which is lower than that of a blackbody to
fit the X-ray data. In both panels the solid and dotted curves represent the absorbed and unabsorbed model spectra, respectively.

contribute in the X-ray band puts an upper limit on the black-
body temperature kT⇥bb,opt < 33.6 eV (a 3⌃ confidence level),
that restricts the stellar radius R⇥bb,opt > 16.3 (d/120 pc) km
(Pavlov et al. 2002). We also note that the spectral shape of
the optical blackbody data puts a lower limit on the tempera-
ture of the soft component kT⇥bb,opt

>⌅ 4 eV and an upper limit
on its radius R⇥bb,opt

<⌅ 46 (d/120 pc) km.
The non-observed modulation of the X-ray flux imposes

severe restrictions on the viewing geometry which has been
discussed quantitatively by Braje & Romani (2002). Using
the previous limits on the pulsed fraction (<4%) they found
“the fraction of the sky allowed by pulsed fraction constraints”
(which translates into a probability of a given orientation of
the rotational and viewing axes) of 2–4% for a NS radius of
⌅16 km. The new limit established with XMM-Newton on the
pulsed fraction reduces the allowed sky fraction to even smaller
values (around 1%). Alternatively, RX J1856 could rotate with
a short period of a few milliseconds (the available X-ray data
do not provide su⇥cient time resolution for searching periodic
signals at these time scales). But this seems unlikely in view of
the NS age of ⌅0.5 Myr implied by its rather low surface tem-
perature and the inferred distance from its birth place (Walter
& Lattimer 2002).

6. Alternative models

The absence of periodic variations and spectral features in the
observed radiation imposes very stringent constraints on any
model. The simplest way to produce a time constant flux would
be to assume a uniform temperature distribution across the

stellar surface. For a temperature of kT⇥bb = 63 eV the measured
optical spectrum requires a blackbody radius R⇥bb ⌃ 12.3 km.
Consequently, the X-ray emissivity has to be below that of a
blackbody by a substantial factor. Using the parameters de-
rived from the Chandra data (cf. Fig. 3 right) we find this
factor to be about 0.15 (it can be about 0.45 if one adopts
the parameters given by the ROSAT data). This would mean
that the radiating surface should have a high reflectivity as
may be expected for a condensed matter surface (Lenzen &
Trümper 1978; Brinkmann 1980). In this case the spectrum
may be represented by a  X � B⇥ dependence (B⇥ is the Planck
function), where  X is the absorption factor (⌅[1 ⌥ ⌅X], with
⌅X being the reflection factor), which in the general case will
be energy-dependent (Brinkmann 1980). We have tested this
hypothesis by fitting the Chandra LETGS spectrum with a
Planckian B⇥ multiplied by an energy dependent absorption
factor  X =E� where E is the photon energy. It turns out
that the best fit yields � = 1.28 ± 0.30, kT⇥bb = 54 ± 2 eV,
and nH = (5.1 ± 0.3) � 1019 cm⌥2. This indicates that at a
4⌃ level we find find deviations from a Planckian spectrum
which may result from an energy dependent absorption factor.
In this case the radius required from the optical spectrum is
R⇥bb ⌃ 13.3 ⌥1/2

opt (d/120 pc) km, where  opt ⇧ 1 is the absorp-
tion factor of the surface in the optical domain.

In conclusion, the two versions of our one-component
model yield radii of R⇥ = 12.3 km and 13.3 km, respectively.
These are lower limits as the absorption factor  may be smaller
than unity in the optical band. We note that the observed radii
correspond to true NS radii of R > 9.1 km and R > 10.3 km
(for a NS mass of 1.4 M�), respectively, which are consistent

Burwitz, A&A, 2003 では 1 温度では合わないのではないかと指摘。(仮定 1 が崩れた？)

温度分布あるならパルスが見えるはず Emissivity 低下の理由が不明確

2 温度モデル 1 温度モデル

どちらのモデルでも半径はそれほど小さくない。しかもその後の観測で、P~7.055 秒の弱い
(PF~1.2%)パルスが検出された (Tiengo, ApJL, 2007)。仮定 2 も崩れた。
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(例2) 超新星残骸 Cas A の中心にある CCO 

Pavlov & Luna, ApJ, 2009

パルスは検出されず、一様温度の黒体放射モデルでは説明できない。水素の大気モデルを入
れると半径 R~5 km, M<0.8 Msun となるが、大気・星表面の温度分布のモデル依存あり。
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半径と温度を測る: X線のスペクトル解析

σ(E) 吸収断面積: エネルギー依存した断面積(cm2)
　　　　　　　　 星間物質として存在する各元素の寄与の和                       
NH    水素柱密度: (水素に換算した)星間物質の厚み (cm-2)
　　　　　　　　 XSPEC のフィットで得られる

exp{��(E)NH}� (Intrinsic Model)

観測犬 X線源(NS)星間物質
Interstellar Medium (ISM) 温度T, 半径R
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中性物質による光電吸収の断面積
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X線帯域で H, He の断面積
は十分小さく無視できる。

重元素 C, N, O, Ne, S, Si, Fe の K, 
L, M 殻電子による吸収が最も効く。 

束縛エネルギーに対応
する吸収端以外では 
E-3 に比例し減少。

K殻電子

中性鉄の場合

M殻電子が吸収 L殻電子

Ebisawa lecture note
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宇宙の元素組成
各元素からの光電吸収断面積を元素組成で重みを付けて足し合わす
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星の内部の核融合(質量数4の倍数 O, Ne, Mgが多い)

鉄が最も安定 (星内部の終着)

E. Anders et al.,Geochimica et Cosmochimica Acta 46, 2363 (1982)
元素組成の仮定には不定性がある！
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(元素ごとの吸収断面積)x(元素組成)

Wilms et al., ApJ (2000)
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in grains than that assumed by Shull (1993). For cobalt the
values determined by Mullman et al. (1998) are used.

To illustrate the large uncertainties associated with the
grain composition, we also list in Table 2 the depletions
used by Ride & Walker (1977) and MM83, the previous
works that included grains in the computation of ThepISM.
depletion factors of Ride & Walker (1977), as shown in
Table 2, are based on gas-abundance measurements using
Copernicus data. Only one of the depletion factors of
MM83 is based on observation, that for oxygen (de Boer
1979, 1981) ; for the rest, MM83 considered elements to be
either completely depleted into grains or entirely in gas
form. This simplifying assumption represents the maximum
e†ect of grains on the ISM opacity.

We note that grains are included here partly for com-
pleteness and partly to indicate how changes to the current
ISM grain model might a†ect observations made with the
more recent X-ray observatories and not as an attempt to
model the solid state in the interstellar medium. While a
““ perfect ÏÏ grain model meeting all abundance and obser-
vational requirements remains elusive, our grain model at
least adequately reproduces the observed extinction, emis-
sion features, and depletions of the di†use ISM (Mathis
1996). For more detailed work, the assumption of spherical
grains must be modiÐed (Mathis 1990).

3. CONCLUSIONS AND SUMMARY

3.1. Results
Using equation (1) and the assumptions described above,

we compute The results are shown in Figure 1, wherepISM.

we display the X-ray absorptivity as to emphasizepISM E3
deviations from the E~3 proportionality of By readingpbf.the plot as a ““ bar diagram,ÏÏ it is easy to estimate the rela-
tive importance of the contributors to For energiespISM.
above the oxygen K edge at D0.5 keV (see Table 2), the
X-ray opacity is dominated by the metals and H and He are
relatively unimportant. Below 1 keV, C, N, O, and Ne are
the important absorbers, while above 1 keV, Si, S, and Fe
are important.

Also clear from Figure 1 is that the e†ect of grains on pISMis small for a standard MRN distribution. The e†ect of
grains is found to be less than previous estimates such as
MM83 in part because our grain model consists of lower
density porous grains and in part because we calculate

for an MRN distribution of grain sizes rather than bypgrainschoosing an average grain size such as 0.3 km as used by
Fireman and others. Thus, the greatest number of grains lies
in very small grains with q > 1 above D1 keV, so self-
shielding is not important in these grains. Consequently, for
an MRN distribution there are only small di†erences
between the optical depth of an entirely gas-phase ISM and
the optical depth for an ISM in which some of the gas
atoms have been depleted into grains. This is illustrated in
Figure 2, where we plot the grain optical depth as a function
of energy for grains of radius 0.25 and 0.025 km, as well as
for an MRN distribution of grains. These optical depths are
calculated using Appendix A and considering a hydrogen
column density of 1.0 ] 1020 cm~2. The total mass inNHgrains is the same for all three grain models shown. Clearly,
the self-blanketing factor a†ects the opacity more for low
energies and larger grain sizes. Since the change in grain

FIG. 1.ÈAbsorptivity per hydrogen atom of the ISM using the assumptions described in the text. The dotted line is the absorptivity including grains with
an MRN distribution, and the dashed line is the absorptivity assuming that all grains are of radius a \ 0.3 km. The inset shows the cross section without the
multiplication by E3. We also illustrate the contribution of hydrogen and hydrogen plus helium to the total cross section. The contribution of the crossH2section to the total hydrogen cross section is indicated by the dot-dashed line.

Fe-edge (7.11 keV)
σu~1.8x10-24 cm2 (吸収端の上)
σd~8.6x10-25 cm2 (吸収端の下)

△σ~9.2x10-25 cm2

たとえば NH=1024 cm-2なら
exp(NHσd)~0.42
exp(NH△σ)~0.40
に減少する。
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星間吸収を受けたスペクトル
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星間吸収を受けた黒体放射のスペクトル
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距離 2 kpc にある半径 10 km, 温度 0.2 keV の中性子星の表面観測
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大気モデルの不定性

星間吸収での
元素組成の不定性
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半径を測る: Ｘ線バーストを利用する
中性子星の表面に、水素やヘリウムが退席して温度と密度が上昇。He 燃焼(3α -> 12C)の熱核
融合反応でエディントン光度に達するＸ線のバーストが 10 秒から数十秒にわたり生じる。
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Gravitational Light Bending

R� = R · (1 + z) =
R�

1� Rs
R

Rs =
2GM

c2
� 3 km

�
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M�
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Becker+2009

1.4 太陽質量, 10 km 半径の中性子星: z~0.3, 1.3 倍に見える
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半径を測る: Ｘ線バーストの Continuum Spectrum
バースト時に星表面の全体が X 線で輝いていると仮定して,,,

R�
�
= RBB(1 + z)/f2

�
= d

�
F�/(�T 4

�)

Bhattacharyya, 2010 
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extensive theoretical study is required. But, whatever is the
correct model, the newly discovered pattern in the R2

1 evo-
lution will play an extremely important role to make the
continuum spectrum method reliable.

3.1.4. Spectral line method
Observation and identification of narrow atomic spectral

lines from the surface of a neutron star (for example, during a
thermonuclear burst) provide the cleanest way to measure
the stellar radius-to-mass ratio using the following formula
(for the Schwartzschild spacetime appropriate for a non-
spinning neutron star): Eem/Eobs = 1 + z = [1 ! (2GM/
Rc2)]!1/2 (Özel and Psaltis, 2003; Bhattacharyya et al.,
2006; see Fig. 6). Here, Eem is the emitted energy of the line
photons, and Eobs is the observed energy of these photons.
However, if the surface lines are broad and asymmetric, Eobs

cannot be determined uniquely, and hence it is difficult to
measure Rc2/GM accurately using the above formula.
Unfortunately, neutron stars in LMXB systems typically
spin with high frequencies ("300–600 Hz), and hence the
Doppler effect and the special relativistic beaming are
expected to make the surface lines broad and asymmetric.
Recently, Bhattacharyya et al. (2006) have suggested a way
to measure the stellar Rc2/GM using the above formula for
such broad lines. They have shown that using

ffiffiffiffiffiffiffiffiffiffi
ElEh

p
asEobs,

one canmeasureRc2/GMwith less than 2% error. Here,El is
the energy of the low energy end of the broad line, and Eh is
that of the high energy end. This shows that surface lines can
be used to accurately measure the stellar Rc2/GM even for
LMXBs having rapidly spinning neutron stars.

A surface absorption line originated from the entire stel-
lar surface can have only one dip (or peak for an emission

line; see Fig. 1 of Özel and Psaltis (2003)). On the other
hand, if it originates from a portion of the surface, espe-
cially near the equator, it can have two dips (or two peaks
for an emission line; Özel and Psaltis, 2003; Bhattacharyya
et al., 2006; see also Fig. 7). In either case, its width and
shape depends on the neutron star parameter values
(Fig. 7; see also Özel and Psaltis, 2003; Bhattacharyya et
al., 2006). Therefore, fitting the surface lines with physical
models can be useful to constrain additional (apart from
Rc2/GM) neutron star parameters.

Fig. 5. Slope of burst blackbody radius-squared (R2
1 / inferred burning

area) during burst decay versus burst decay duration. Each point
corresponds to one burst, and 877 bursts from 43 sources have been
shown. This figure indicates a strong anticorrelation (significant at the
<10!45 level) between the rate of change of the inferred burning area and
the decay duration, which can be useful to make the continuum burst
spectrum method reliable (see Section 3.1.3). For the exact definition of
the radius-squared slope, see Bhattacharyya et al. (2010).

Fig. 6. This figure shows the M–R space of neutron stars with the curves
corresponding to a few representative EoS models (same as Fig. 1). The
green patch shows the allowed M–R space for a reasonable range of the
radius-to-mass ratio (Rc2/GM = 4.0–4.2). This example figure demon-
strates how the measured radius-to-mass ratio can be used to constrain the
neutron star M–R space (see Sections 3.1.4, 3.1.6 and 3.4.2 for details).
(For interpretation of the references to color in this figure legend, the
reader is referred to the web version of this paper.)

Fig. 7. Profiles of narrow absorption lines formed at the equatorial
portion of the neutron star surface as they would appear to an observer at
ispin = 75!, where ispin is the observer’s inclination angle measured from the
stellar spin axis (see Bhattacharyya et al., 2006). Here, Eem is the emitted
energy, Eobs is the observed energy, and the continuum is assumed to be at
a constant photon flux of 1 (in arbitrary unit). The solid profile is for the
neutron star parameter values M = 1.4M# and R = 9 km; and the dotted
profile is for M = 1.5M# and R = 11 km. All other source parameter
values are same, including the stellar spin frequency (=400 Hz). This
figure shows that the shape and the width of the surface spectral lines
depend on the neutron star parameters (Section 3.1.4).

S. Bhattacharyya / Advances in Space Research 45 (2010) 949–978 957

半径を測る: Ｘ線バーストの Spectral Line Method
スペクトル中に見える吸収線の重力赤方偏移を利用。

Eem

Eobs
= 1 + z =

1�
1� 2GM/c2R

Bhattacharyya, 2010 
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constrain the neutron star M–R space (see Fig. 8), if the en-
tire stellar surface emits (Galloway et al., 2003) and the
parameters d and j are known. In order to estimate j
and/or f, one needs to model the stellar atmosphere for a
known chemical composition. The possible ways to deter-
mine this composition is discussed in Section 3.1.3. Apart
from the above methods, the observed variation of the
Eddington luminosity and the corresponding change in the
gravitational redshift caused by the photospheric expansion
may, in principle, be useful to determine the neutron star sur-
face gravitational redshift (see for example, Damen et al.,
1990; van Paradijs et al., 1990). These and related methods
have been used by many scientists in order to constrain the
neutron star mass and radius (e.g., Fujimoto and Taam,
1986; Ebisuzaki, 1987; Sztajno et al., 1987; van Paradijs
and Lewin, 1987; Chevalier and Ilovaisky, 1990; Kaminker
et al., 1990; Damen et al., 1990; van Paradijs et al., 1990;
Haberl and Titarchuk, 1995; Smale, 2001; Strohmayer
et al., 1998; Titarchuk and Shaposhnikov, 2002; Shaposhni-
kov et al., 2003; Shaposhnikov and Titarchuk, 2004;
Özel, 2006). However, so far such measurements heve not
been generally precise enough, because of the systematic
uncertainties primarily due to the unknown parameter val-
ues mentioned above (e.g., Strohmayer and Bildsten, 2006).

This and other sections (e.g., Sections 3.1.3 and 3.5.2)
point out that the knowledge of the source distance d can
be very useful to measure the neutron star parameters. In
1978, van Paradijs (1978) suggested that the photospheric
expansion flux, which corresponds to the Eddington flux,
can be a “standard candle”, and hence a distance indicator
(e.g., using Eq. (6)). In the next 30 years, scientists have
tested this idea by examining the variation of the photo-
spheric expansion flux from burst to burst, comparing the
inferred distance to the known distance (whenever avail-

able; e.g., for globular cluster sources), and in other ways
(e.g., van Paradijs, 1981; Basinska et al., 1984; Smale,
1998; Kuulkers and van der Klis, 2000; Kuulkers et al.,
2003; Galloway et al., 2003, 2006; Galloway and Cumming,
2006; Özel, 2006; Galloway et al., 2008b; Table 9 of Gallo-
way et al. (2008a)). They have found that this method is
affected by the uncertainties due to unknown neutron star
mass, surface gravitational redshift, photospheric composi-
tion, etc., and hence the distance can typically be con-
strained within a somewhat large range.

3.1.6. Burst oscillation method
High frequency narrow timing features, viz. burst oscilla-

tions, have been detected from many thermonuclear X-ray
bursts with the PCA instrument of RXTE (Strohmayer and
Bildsten, 2006). They can be observed either in the burst ris-
ing part or in the decay part, or in both. However, neither
these oscillations appear in every burst from a given source,
nor they have been observed from every neutron star LMXB
(Galloway et al., 2008a). Burst oscillations were first discov-
ered from theLMXB4U1728-34 by Strohmayer et al. (1996)
in 1996. After that, this feature has been detected from 20
other neutron star LMXBs (oscillations from three of them
are not yet confirmed; see Bhattacharyya (2007), Lamb
and Boutloukos (2008), Galloway et al. (2009), Watts et al.
(2009a), Markwardt et al., 2007 and Watts et al. (2009b),
and references cited therein).

Burst oscillations can be seen as a peak in the Fourier
power spectrum computed from a high time resolution light
curve of either the entire burst or a part of it (see Fig. 9). The
frequency of this feature can evolve during a burst (Strohma-
yer and Bildsten, 2006, and references cited therein). Nor-
mally frequency shifts by less than 1% of the mean
frequency, but it can be somewhat greater for some bursts.
The frequency normally increases from a lower initial value
to an asymptotic value, but it has also been seen to decrease
for some bursts (see for example, Muno et al., 2002). It is
believed that burst oscillations originate from an azimuth-
ally asymmetric brightness pattern on the spinning neutron
star surface. Since in such a case the X-ray flux measured
by the observer should vary with the stellar spin frequency,
the burst oscillation (asymptotic) frequency is believed to
be the stellar spin frequency. This model is established
because of the following reasons.

(1) Burst oscillations originate from the thermonuclear
bursts which are neutron star surface phenomena.

(2) The oscillation (asymptotic) frequency is very stable
on timescales of years for a given source (Muno et
al., 2002). This strongly suggests that burst oscilla-
tions are connected to the stellar spin, which is also
expected to be a stable property.

(3) The observed burst oscillation frequencies are mostly
in the range !300–600 Hz. Such rapid spin rates are
expected for neutron stars in LMXBs, because of
the accretion-induced angular momentum transfer
(Section 1).

Fig. 8. This figure shows the M–R space of neutron stars with the curves
corresponding to a few representative EoS models (same as Fig. 1). The
green patch shows the allowed M–R space using Eq. (6) (see Section 3.1.5
for details). In this example figure, we have ensured that the green patch
passes through the reasonable ranges of M and R, and this figure
demonstrates how the photospheric radius expansion bursts can be used to
constrain the neutron star mass and radius, and hence the EoS models.
(For interpretation of the references to color in this figure legend, the
reader is referred to the web version of this paper.)

S. Bhattacharyya / Advances in Space Research 45 (2010) 949–978 959

半径を測る: Ｘ線バーストの PRE
バースト初期は強い輻射圧で Photospheric Radius Expansion がおきエディントン光度へ。

4⇥d2FEdd =
4⇥GMc

�
(1 + z)

Bhattacharyya, 2010 
99



半径を測る: Ｘ線バーストを利用する

© 2006 Nature Publishing Group 

 

that the magnetic field is dynamically unimportant and thus cannot
inhibit the spreading of the thermonuclear flash over the entire
surface.
On the observational side, further evidence for uniform emission

from the entire surface as well as the constancy of the Eddington flux
during the bursts is obtained from the study11 of the peak luminosity
of a large number (,70) of bursts from 4U1728234, which shows
that the peak flux is constant to within a few per cent in bursts
separated by months. Indeed, a larger study12 of peak fluxes of all
thermonuclear burst sources in the RXTE catalogue also show a
quantitatively similar result. Second, in the cooling tails of thermo-
nuclear bursts, the observed ratio Fcool=T

4
c asymptotes to a constant

and reproducible value between bursts, strongly indicating that the
entire surface of the neutron star emits uniformly in the cooling
tails13,14.
Even though flux oscillations of amplitude& 10% have been seen

in some thermonuclear bursts and are thought to be caused bymodes
excited on the neutron-star surface during the bursts15, their presence
does not increase the uncertainties reported here. Burst oscillations
have never been observed during the radius expansion phases of the
bursts but only in the rise phase and cooling tails, thus not affecting
the determination of the Eddington limit from observations. In
addition, the low amplitudes of the oscillations during the cooling
tails introduce uncertainties that are smaller than both the systematic
and statistical uncertainties (10%) allowed for in my calculations.
This is especially true for the burst oscillations in EXO 07482676,
which are very weak, with an average amplitude of 3% (ref. 16).
A final consideration about the Eddington limit is related to the

point during a radius expansion burst at which this quantity is
measured. The relevant measurement here is the so-called touch-
down flux, which is the Eddington limit at the point in the burst
when the photosphere returns to the actual radius of the star14. The
flux at the touchdown point cannot be smaller than the Eddington
flux because, if the radiation support of the atmosphere were
suddenly removed, the photospheric radius would return to the
actual size of the star within a free-fall timescale, which is,1ms for a
neutron star. Instead, an adiabatic return to the stellar surface, at
timescales of a few seconds, is observed in every radius expansion
burst, indicating that the emerging flux traces the Eddington limit all
the way to the touchdown point.
The only unknown property of the binary system that affects the

mass and radius measurements is the hydrogen fraction X of the
accretingmaterial. Further observations of the elemental abundances
of the accretion flow at long wavelengths could greatly reduce this
uncertainty. However, even when I consider the most extreme value
of X ¼ 0.7, I can obtain lower limits on the mass and radius as
follows:

M $ 2:10^ 0:28M( and R$ 13:8^ 1:8km ð2Þ
which is shown in Fig. 2. For smaller values of the hydrogen mass
fraction, that is, for a helium-rich companion which can be expected

Table 2 | The neutron star properties that are obtained from the obser-
vations summarized in Table 1

Neutron-star property Dependence on observables Constraint

M f 41c
5

4Gkes
Fcool
jT4

c

! "
½12ð1þzÞ22&2

ð1þzÞ3 F21
Edd 2:10^ 0:28M(

R f 41c
3

2kes
Fcool
jT4

c

! "
12ð1þzÞ22

ð1þzÞ3 F21
Edd 13.8 ^ 1.8 km

D f 21c
3

2kes
Fcool
jT4

c

! "1=2
12ð1þzÞ22

ð1þzÞ3 F21
Edd 9.2 ^ 1.0 kpc

The neutron-star mass, radius and distance are uniquely determined from the Eddington
luminosity, the redshift, and the ratio Fcool=jT

4
c as shown in the middle column, given a

model for the neutron-star atmosphere that determines the colour-correction factor and a
measurement of the hydrogen mass fraction. The last column shows the minimum values for
the mass, radius and distance to the neutron star for any possible value of the colour-
correction factor and the hydrogen mass fraction. The counter-intuitive dependence of the
stellar properties on the observables arises from the combination of the expressions shown
in Table 1. These expressions also show why a unique spectroscopic determination of the
mass and radius of a neutron star, which is necessary to constrain its equation of state, can
only be achieved when all three phenomena are observed from a single source, if the
distance to the source is unknown.

Figure 1 | Four complementary methods to determine the mass and radius
of a neutron star. Shown are the contours on the mass-radius plane of
neutron stars imposed by the measurement of the Eddington flux during
photospheric radius expansion bursts (blue), the ratio Fcool=T

4
c of the

surface emission that asymptotes to a constant during the cooling tail of a
thermonuclear burst (green), the redshift of atomic absorption lines
observed during the burst (red), and the broadening of such lines due to the
rotation of the star (magenta) for a hypothetical star withM ¼ 1:8M( and
R ¼ 10 km. The second quantity, obtained from the thermal flux F cool and
the colour temperature T c of the burst spectrum, is closely related to the
total emitting area from the stellar surface when the nuclear burst has
engulfed the entire star. The widths of the contours correspond to a
hypothetical 10% uncertainty in each measurement. The uncertainty in the
redshift measurement can be negligible if a grating spectrometer is used, as
in the case of EXO 07482676. The black-shaded area is the intersection of
the four contours and corresponds to the uncertainty in themeasurement of
the true mass and radius of the neutron star.

Figure 2 | The constraints on neutron star equations of state imposed by
observations of EXO 07482676. The predicted mass–radius relations for
a number of representative equations of state of neutron stars without
condensates (blue), with condensates (magenta), and for strange stars
(red)17–19. The curve labels and the corresponding references can be found in
refs 17 and 18. The two 1-j error bars correspond to the measurement of the
mass and radius of EXO 07482676 from three independent observations
(equation (2)) for different values of the hydrogen mass fraction X of the
accreted material. The measurement for X ¼ 0.7 corresponds to the
minimum allowed values for the mass and radius of the neutron star. Only
the stiffest equations of state are consistent with this measurement.

LETTERS NATURE|Vol 441|29 June 2006

1116

Ozel, Nature 2006 では複数の方法を合わせて EXO 0748-676 の質量、半径を推定した

13%
13%
11%

視差による距離推定
よりは精度が良い？

Ozel, 2006
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Figure 3. Mass–radius probability distributions for Type-I X-ray bursts assuming a uniform distribution in h = 2R/rph. The shadings and lines have the same meaning
as in Figure 2.
(A color version of this figure is available in the online journal.)

z± = −
(

2v + 4a ± 2b

w

)
, (24)

b = (2 + h)2

8h2

[
1 − 2 + h

8h

]
, (25)

the two solutions for β with values in the range 0 ! β ! 0.5
are

β± = 2 + h

8h
±

w − √
z±

2
, (26)

where the sign has the same sense in the two occurrences.
Figure 3 displays the resulting probability distributions as-

suming that h is uniformly distributed in the range 0 < h < 2,
i.e., R < rph < ∞. The error contours are much larger than
those determined in the h = 2 (rph = R) case and slightly larger
than those in the h = 0 (rph $ R) cases. Most of the solutions
for β+ are rejected because they lead to acausal combinations of
M and R. The fifth group in Table 2 presents the associated val-
ues of α, γ , and R∞. These results are nearly identical to those
of Figure 2 because small values of the photospheric radius are
strongly disfavored by the requirement that the masses and radii
are real valued. We will therefore use the rph $ R probability

distributions in M and R for the Bayesian estimation of the EOS
in Section 4, and note that these results will be essentially iden-
tical to what one would obtain without assuming a particular
value for the radius of the photosphere, as long as it is not a
priori assumed to be equal to R.

Using the number of accepted MC realizations as a guide, we
can also obtain an estimate for the lower limit of the location
of the photosphere at touchdown. As is common in Bayesian
analysis, we use the ratio 0.1 as a guide; models for which the
fraction of accepted realizations is less than 0.1 are rejected.
This implies that rph > 5.0R for 4U 1608–522, rph > 1.1R for
EXO 1745–248, and rph > 1.4R for 4U 1820–30. This analysis
appears to strongly disfavor an interpretation of the touchdown
radius rph = R and we find it likely that the photospheric radius
is extended at touchdown. At the same time, there is little
difference between the results assuming h = 0 or a uniform
range 0 < h < 2. It would then seem justified that we, in our
remaining analysis, reject the interpretation rph = R, and make
use of the rph $ R, h = 0 interpretation. Nonetheless, we will
also include results for the rph = R interpretation in the work
below for comparison to previous studies. We will show that
some aspects of the EOS constraints are dependent on whether
one assumes that rph = R or rph $ R.

(Steiner, 2010)

Ｘ線バーストを用いた研究は、大有効面積(6000 cm2) を誇る RXTE の近年
の研究で成熟してきた。ただし、観測の不定性を評価する研究が必須。
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Figure 10
M−R probability densities of neutron stars from (a) four quiescent low-mass X-ray binaries in globular clusters and (b) four photospheric radius expansion bursts
(incorporating the possibility that Rph > R). The diagonal lines represent causality limits. Figure reproduced courtesy of A.W. Steiner.
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その他の半径の推定方法 (1)

(see van der Klis (2006) for an excellent review). Many of
these features are correlated with each other and with the
spectral states of the source (van der Klis, 2006, and refer-
ences cited therein). Among these features, high frequency
quasi-periodic oscillations, or kilohertz (kHz) QPOs, are
the most important ones to constrain the neutron star
parameters (see Section 3.3.2). These QPOs often occur
in a pair (Fig. 11), and the twin peaks usually move
together in the frequency range !200–1200 Hz in correla-
tion with the source state. The higher frequency QPO is
known as the upper kHz QPO (frequency = mu), and the
lower frequency QPO is called the lower kHz QPO (fre-
quency = ml). The kHz QPOs were first reported in van
der Klis et al. (1996) and Strohmayer et al. (1996) (see also
van der Klis (1998) for a historical account). As of now
these QPOs have been observed from about 30 neutron
star LMXBs (see Altamirano et al., 2010; van der Klis,
2006).

Although frequency (m), amplitude, quality factor (m/dm)
and other properties of kHz QPOs vary from source to
source, and even for a given source depending on its inten-
sity and spectral state, several general trends of this timing
feature could still be established. Here, we mention some of
them which may be useful to understand these QPOs. (1)
For a given source, m correlates well with the X-ray lumi-
nosity Lx on time scales of hours. But on longer time scales,
and across sources, the m " Lx correlation does not exist,
and similar m values are observed over two orders of mag-
nitude in Lx (e.g., van der Klis, 1997). (2) It was thought
that the frequency separation mu " ml (=Dm) clusters around
the neutron star spin frequency and the half of it (Wijnands
et al., 2003; van der Klis, 2006, and references cited
therein); although the recent works of Méndez and Belloni
(2007) and others have suggested that Dm is consistent with
no dependence on spin. (3) KHz QPO amplitudes increase
with photon energy, and in similar energy bands, the QPOs
are weaker in the more luminous sources (Jonker et al.,
2001; van der Klis, 2006, and references cited therein). (4)
The quality factor of lower kHz QPOs increases with the

QPO frequency at lower frequency values, and decreases
at higher frequency values. But the quality factor of upper
kHz QPOs increases with the frequency all the way to the
highest detectable frequencies (Barret et al., 2006). (5)
KHz QPO frequencies are correlated with the frequencies
(or characteristic frequencies) of many narrow and broad
timing features from neutron star LMXBs (see Fig. 2.9 of
van der Klis (2006)).

What causes the kHz QPOs is not known yet, although
many models are available in the literature. A discussion of
all these models is out of the scope of this review. Here, we
will mention only a few models which will be used in Sec-
tion 3.3.2 to demonstrate the plausible ways to measure
neutron star parameters using kHz QPOs. The most prom-
inent property of a kHz QPO is its high frequency. Most of
the models have primarily attempted to explain this prop-
erty. This frequency is usually believed to be caused by
the frequencies related to the fast motions close to a neu-
tron star, where the effects of general relativity are impor-
tant. Let us first identify some of these frequencies, and
write down their expressions for circular orbits in the equa-
torial plane for Kerr spacetime.

(1) Orbital frequency around the neutron star

m/ ¼ mKð1þ jðrg=rÞ3=2Þ"1; ð9Þ

where mK ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GM=r3

p
=2p. Here, r is the radial distance

from the center of the neutron star, rg ' GM/c2, and the
angular momentum parameter j ' Jc/GM2, where J is the
stellar angular momentum.
(2) Radial epicyclic frequency (for infinitesimally eccen-

tric orbits)

mr ¼ m/ 1" 6ðrg=rÞ þ 8jðrg=rÞ3=2 " 3j2ðrg=rÞ2
" #1=2

: ð10Þ

(3) Vertical epicyclic frequency (for infinitesimally tilted
orbits)

mh ¼ m/ 1" 4jðrg=rÞ3=2 þ 3j2ðrg=rÞ2
" #1=2

: ð11Þ

(4) Periastron precession frequency mperi = m/ " mr.
(5) Nodal precession frequency mnodal = m/ " mh.

Apart from these, the neutron star spin frequency mspin
may also contribute to kHz QPOs. The radial profiles of
the general relativistic frequencies are shown in Fig. 12.
This figure helps to understand any model based on these
frequencies. It also clearly shows that the radial epicyclic
frequency cannot be mu or ml, because some kHz QPOs
are observed with frequencies much higher than the maxi-
mum possible value of mr. In many models, kHz QPO
frequencies are explained in terms of the above-mentioned
general relativistic frequencies and mspin (or beating between
any two of them) at some preferred radii. A preferred
radius may be determined by the disk flow structure
(depends on, for example, the accretion rate), the radius
of the general relativistic innermost stable circular orbit

Fig. 11. Power spectrum of a neutron star LMXB showing a pair of kHz
QPOs (see Section 3.3.1). The vertical dotted lines show the centroid
frequencies of these QPOs.
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Figure 2. Left: Fe line profile for Cyg X-2, excluding a central circular region of varying radius. Black: exclusion circle radius = 0 pixels, red: radius = 30 pixels,
green: radius = 60 pixels, blue: radius = 90 pixels. The Fe K line profile remains consistent regardless of the extraction region used. Right: Fe line profile for Ser X-1
from the Suzaku observation. Only data from XIS 3 are shown. Colors denote the same size extraction regions as for Cyg X-2.

Table 3
Investigating Pile-up in Cyg X-2: Spectral Parameters for Different Extraction Regions

Parameter Excluded Circle Radius

0 pixels 30 pixels 60 pixels 90 pixels

NH (1022 cm−2) 0.147 ± 0.003 0.136 ± 0.004 0.128 ± 0.004 0.130 ± 0.005
Disk kT (keV) 1.595 ± 0.006 1.555 ± 0.002 1.52 ± 0.02 1.45 ± 0.04
Disk normalization 124 ± 2 151 ± 1 165 ± 3 190 ± 20
Blackbody kT (keV) 9 ± 1 4.1 ± 0.1 2.9 ± 0.2 2.2 ± 0.2
Bbody normalization (10−2) 41 ± 2 7.0 ± 0.1 4.2 ± 0.1 4.4 ± 0.6

Line Energy (keV) 6.97−0.02 6.97−0.02 6.97−0.02 6.97−0.02

Emissivity, q 5.8 ± 0.6 5.7 ± 0.5 6.3 ± 0.8 6.5+1.0
−1.5

Rin (GM/c2) 8.0 ± 0.2 7.8 ± 0.2 7.9 ± 0.3 8.0 ± 0.5
i (◦) 24.0 ± 0.5 24.3 ± 0.6 23.9 ± 0.6 23 ± 1
Line normalization (10−3) 7.2 ± 0.4 8.4 ± 0.4 8.7 ± 0.6 8.4 ± 1.0
EW (eV) 69 76 79 74

Notes. Spectral parameters from fitting the XIS 3 data. While the continuum is variable due to pile-up effects, the Fe K line parameters are remain consistent.
The normalization of the disk blackbody is in R2

inner cos i/(D10)2 where Rinner is the inner disk radius in km, D10 is the distance to the source in units of 10
kpc, and i is the disk inclination. The normalization of the blackbody component is L39/(D10)2, where L39 is the luminosity in units of 1039 erg s−1. The
normalization of the diskline is the line flux in photons cm−2 s−1.

was remarkably robust. This is clearly demonstrated in Table 3
and Figure 2. In Table 3, we give the continuum and Fe K line
parameters from fitting the spectra with different size exclusion
regions. Figure 2 shows the resulting line profiles for each
spectrum. The Fe K line is both quantitatively and qualitatively
consistent, regardless of the pile-up correction. Thus, while with
pile-up the continuum may vary significantly from the “true”
(not piled-up) continuum shape (in the most extreme cases it is
obvious that the continuum model parameters are not realistic),
it appears that the Fe K line shape can be robustly recovered as
long as the continuum can be fit well. To further demonstrate
this, we also show the Fe K profile from the Suzaku observation
of Ser X-1 (Figure 2). We again see that the line profile remains
consistent as the radius of the circular exclusion region is varied
from 0 pixels to 90 pixels.

4.1.2. Results from Phenomenological Fitting

The spectral parameters from this phenomenological model-
ing are given in Tables 4 and 5 (the tables have been split into
continuum and line parameters). Table 6 gives the 0.5–25 keV
unabsorbed fluxes and luminosities. A summary of all the Fe K
lines observed in neutron star LMXBs can be seen in Figure 3.

The distribution of measured inner disk radii is shown in
Figure 4. We only use one measurement per source, choosing the

one with the smallest fractional uncertainty. The vast majority
of the measured inner disk radii fall into a relatively narrow
range of 6–15 GM/c2. Only two observations (of Ser X-1) fall
outside this range, and even then the inner disk radii from those
observations are only a little more than 1σ away. Note that there
are a number of fits in which Rin pegs at the lower limit of the
model (6 GM/c2, the innermost stable circular orbit (ISCO) in
the Schwarzschild metric). This corresponds to about 12 km,
assuming a 1.4 M# neutron star. Given that this lower limit is
very similar to predicted neutron star radii, smaller inner disk
radii are not expected. The lines in the observations with Rin =
6 GM/c2 are fit well by the model, and do not show large
residuals in the red wing of the line (which would be expected
if Rin were smaller than measured).

One possibility for the large number of sources that reach
the lower limit of the model is that there is some contribution
to the broadening of the line from Compton scattering. Reis
et al. (2009b) found that for 4U 1705−44 the measured inner
disk radius increased when such effects were taken into account
using reflection modeling.

We note that the differences in equivalent width (EW)
between our original Suzaku analysis of Ser X-1, GX 349+2,
and 4U 1820−30 and this analysis can be attributed to updated
responses. During the original analysis the standard response

224 CACKETT ET AL. Vol. 720

Figure 10. Constraints on the ultra-dense matter equation of state from the mass
and radius upper limit of Cyg X-2 (light gray region). The dark gray region is
not allowed due to causality. All mass–radius curves are as labeled in Lattimer
& Prakash (2001; see references therein for details of the equations of state),
except for NL4 which is from Akmal et al. (1998) and Z271 which is from
Horowitz & Piekarewicz (2001).

for any line of sight through the wind. Yet when absorption
lines are observed in black holes, they are always slow, with
velocities less than approximately 1000 km s−1 (see, e.g., Miller
et al. 2006b, 2008a on GRO J1655−40 and Ueda et al. 2009
on GRS 1915 + 105). In some cases, absorption lines are seen
in the absence of any relativistic line (e.g., H 1743−322 and
4U 1630−472; Miller et al. 2006c; Kubota et al. 2007). The
absorption lines detected in most neutron star systems (the edge-
on “dipping” sources) are often consistent with no velocity shift
(e.g., Sidoli et al. 2001; Parmar et al. 2002; Boirin et al. 2005;
Dı́az Trigo et al. 2006). Clearly, observed absorption spectra are
in strong disagreement with the wind model.

In optical and IR bands, optically thick diverging outflows
should also have consequences. Whether in a black hole, neutron
star, or white dwarf system, the outflow should serve to obscure
our view of the outer accretion disk and/or companion star, at
least during some intervals of the binary period. Along particular
lines of sight, the outer disk should be obscured for nearly all of
the binary period. Obscuration of this kind has not been reported,
though it would surely be easily detected. Doppler tomography
reveals no evidence of such outflows as accretion disk, stream/
hot spot, and companion star emission are often clearly revealed
(e.g., Marsh et al. 1994; Steeghs & Casares 2002).

Finally, it is worth noting that relativistic lines are not detected
in white dwarf systems. Titarchuk et al. (2009) fit their model
to the XMM-Newton CCD spectrum of GK Per, where they only
observe one emission line. This, however, ignores the fact that
high-resolution Chandra grating observations clearly separated
the emission into three separate Fe components, as is seen in
many magnetic cataclysmic variables (CVs; Hellier & Mukai
2004). The spectra of CVs are best described in terms of partially
obscured emission from the boundary layer, which can be fitted
with cooling-flow models that predict multiple iron charge states
(Hellier & Mukai 2004).

6.6. Equation of State

To begin to put meaningful constraints on the neutron star
equation of state, it is useful to combine both mass and
radius measurements. Of the sources in our sample, Cyg X-
2 is the only one with a well-constrained mass measurement,
MNS = 1.5±0.3M" (Elebert et al. 2009). Combining this mass
measurement with our stellar radius upper limit (8.1 GM/c2)
can be seen in Figure 10. This does not rule out any of the
possible equations of state shown here, and tighter constraints
on mass and radius would be needed.

Significantly improved sensitivity and spectral resolution
from future X-ray missions, such as Astro-H and the Interna-
tional X-ray Observatory (IXO), will certainly provide tighter
constraints from modeling Fe K emission lines, and with the
High Timing Resolution Spectrometer on IXO even the po-
tential to study simultaneous spectral and timing evolution on
extremely short timescales (Barret et al. 2008).
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referee that have improved the paper. E.M.C. gratefully
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Fellowship Program, grant number PF8-90052. This research
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with XMM-Newton, an ESA science mission with instruments
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(ISCO), or the commensurabilities among the frequencies
which may cause resonance. For example, Miller et al.
(1998) identified mu and ml with m/ and a beating frequency
(mbeat), respectively, at the “sonic” radius (rsonic). Lamb and
Miller (2003) modified this model maintaining mu = m/
(rsonic), and explaining ml by a beat-frequency interaction
between orbital motion at rsonic and an azimuthal structure
at the spin-resonance radius, defined by mspin ! m/ = mh.
Stella and Vietri (1998, 1999) identified mu with m/ at the
disk inner edge, and related ml and mh (frequency of a
low-frequency QPO; see van der Klis (2006)) with mperi
and mnodal, respectively. Various authors (e.g., Kluźniak
and Abramowicz, 2001; Abramowicz and Kluźniak,
2001) made use of the fact that m/, mr and mh at particular
radii have simple integer ratios or other commensurabilities
with each other or with mspin. They suggested that at these
radii resonances may occur which can show up as kHz
QPOs. Besides, many other authors have used the general
relativistic frequencies in various ways to explain the prop-
erties of kHz QPOs (e.g., Wijnands et al., 2003; Lee et al.,
2004; Zhang, 2004; Mukhopadhyay, 2009).

Apart from the observed frequencies of kHz QPOs, one
also needs to explain the modulation and decoherence
mechanisms. Some of the plausible methods have been dis-
cussed in van der Klis (2006), and references cited therein.
Méndez (2006) proposed that, although the kHz QPO fre-
quencies are plausibly determined by the characteristic disk
frequencies (see the previous paragraph), the modulation
mechanism is likely associated to the high energy spectral
component (e.g., accretion disk corona, boundary layer
between the disk and the neutron star, etc.). This is because
the disk alone cannot explain the large observed ampli-
tudes, especially at hard X-rays where the contribution of
the disk is small. Detection and measurement kHz QPOs
above 20–30 keV may be able to resolve this issue. In addi-
tion, observations of sidebands, overtones, and very high
frequency QPOs may be useful to identify the correct

kHz QPO model (van der Klis, 2006; Bhattacharyya, in
press). We will not discuss these aspects further. Rather
we note that the fluid dynamical simulation corresponding
to any successful kHz QPO model must naturally give rise
to the observed frequencies and other properties.

3.3.2. Kilohertz quasi-periodic oscillation method
Since no kHz QPO model can yet explain all the major

aspects of this timing feature, currently it is not possible to
constrain the neutron star parameters using this QPOs with
certainty. However, all proposed models involve plasma
motion in the strong gravitational field around the neutron
star, and with one exception (photon bubbles; Klein et al.,
1996,) suggest that the kHz QPOs originate in the disk
(van der Klis, 2006). Moreover, most models identify one
of the kHz QPO frequencies (usually mu; but can also be ml)
with the orbital motion at a preferred disk radius (van der
Klis, 2006; see also Section 3.3.1). If this is true, two reason-
able conditions can constrain the M–R space (Miller et al.,
1998):

R 6 r; ð12Þ

where r is the radius of the orbit associated with mu or ml via
Eq. (9); and

rISCO 6 r; ð13Þ

where rISCO is the radius of the ISCO. This is because the
first condition gives a mass-dependent upper limit on R
via Eq. (9); and the second condition gives an upper limit
on M: M < c3/(2p63/2Gm/jr) (for Schwarzschild spacetime).
These constraints on M–R space are shown in Fig. 13.

The general relativistic frequencies depend on the neu-
tron star parameters M and j, and many models use these
frequencies to explain kHz QPOs (Section 3.3.1; see also
van der Klis (2006), and references cited therein). There-
fore, in a more general sense the identification of any of

Fig. 12. This figure shows the radial profiles of various frequencies (color
coded) of equatorial circular orbits in Kerr spacetime (see Section 3.3.1).
Two angular momentum parameters (j = 0.0 (solid) and j = 0.3 (dotted)),
and neutron star mass = 1.35M$ are used. These frequencies may be
useful to understand the kHz QPOs (see Section 3.3.1). (For interpretation
of the references to color in this figure legend, the reader is referred to the
web version of this paper.)

Fig. 13. This figure shows the M–R space of neutron stars with the curves
corresponding to a few representative EoS models (same as Fig. 1). The
green patch shows the allowedM–R space using Eqs. (12) and (13), and an
upper kHz QPO frequency of 1200 Hz (Miller et al., 1998; see Section
3.3.2). This example figure demonstrates the potential of kHz QPOs to
constrain the neutron star mass and radius, and hence the EoS models.
(For interpretation of the references to color in this figure legend, the
reader is referred to the web version of this paper.)
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motion in the strong gravitational field around the neutron
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1996,) suggest that the kHz QPOs originate in the disk
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X 線バーストで検出される kHz QPO 

降着円盤の内側の鉄輝線の広がり 

(Bhattacharyya, 2010)

(Cackett, 2010)
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超新星残骸パルサー星雲

磁軸

磁場 B
(~1012 G, 8桁ほどの分布)

自転周期 P
(角運動量)
自転軸

(~1 s, ~7桁ほどの分布)

中性子星の物理量と多様性 (まとめ)

質量 M
半径 R

(~1.4M⊙, 1桁ほどの分布)
(~10 km, 1桁ほどの分布）

温度 T
(~105-7 K, ~3-4桁ほどの分布)

質量降着率 M
•

普通の星
白色矮星

中性子星の
多様性の源
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中性子星の物理量を測る

放射エネルギー源放射エネルギー源 周期 P  B=108-9 1011-13 1014-15 G 

熱 0.1~10 s

回転 0.1-10 s
~1-10 ms

重力 60-104 s
~1-10 ms?

磁場 2-10 s

質量 M, 半径 R, 表面温度 T, 自転周期 P, 磁場 B

冷却は NS 内部状
態に強く依存する

銀河系に 2000個
ほど発見

連星相手からの質
量降着

磁場エネルギーを
解放？新しい種族

質量 M と 半径 R の同時観測の例は少ない。
新しく見つかって来た中性子星を使った M-R 測定を狙う

孤立中性子星 
(M,B測定は難) R, T

ミリ秒パルサー 電波パルサー

(M), B (M), B
X線バースター X線パルサー 長周期パルサー？

M, R, T M, B B?

T, B
マグネター
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X線の将来ミッション

GEMS 衛星(計画中)
X線偏光の専門観測

NICER
(2-10 keV, 大有効面積)

ASTRO-H 衛星
(X線衛星 0.5-600 keV)

2015年打ち上げ

2016年打ち上げ

~2020年頃？
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Gravitational Redshift: M/R (LMXB)
• Measurement of redshifted narrow atomic features (WP3)

• direct M/R measurement; free from the uncertainty of the distance 

• Appeling but quite challenging. Requirement: 
• metal is not completely ionized (<1.5 keV for Fe) under a low luminosity

• not substantially broadened by thermal, magnetic or rotational effects

• Terzan 5 (slow spin, low magnetic field? LMXB) in globular cluster
• Need a further feasibility study: confusion of X-ray sources in a globular cluster. 

Is there another appropriate target (e.g., face-on LMXB system)? 

possible to look for absorption lines in the cooling NS if there was low level ongoing accretion
to replenish the surface absundances. However, this system is in a globular cluster with multiple
other low luminosity X-ray sources withing the Astro-H point spread function, so confusion
would be an issue.

Fig 1a shows a model for a bright island state of SAX J1808 from Kajava et al (2011),
with NH = 1.2 × 1022 cm−2 to match that of T5X2. We replace the black body continuum
with a solar abundance thermal neutron star model from Rauch, Suleimanov & Werner (2008)
(V. Suleimanov, private communication), with surface redshift of 0.22, and convolve this with
 to give an intrinsic line width of 30 eV at 6 keV.

T5X2 is a factor ∼ 2 further away than SAX J1808 so we reduce the normalisation by a
factor 4. Fig 1b shows this model simulated through the SXS response for 200ks. The count
rate is 15 c/s so it is not piled up. Fig 1c shows the 1-8 keV spectrum. The three largest
features seen orrespond to He-like Fe, Ca and Ar, respectively, as the lower abundance of Ca
and Ar compared to Fe is compensated for by the higher contribution of the thermal emission
to the total spectrum at these energies. Replacing the neutron star atmosphere model with a
blackbody gives χ2 = 7026/6491 (with data rebinned using group min 25). Including three
gaussians with energies tied to the expected He-like transitions, and σ = σ6.7E/6.7 keV all at a
single redshift gives ∆χ2 = 80 with EW of 3, 2, and 6 eV, for Ar, Ca and Fe respectively. The
derived zsur f ace = 0.220 ± 0.002 is very well constrained, and since it uses 3 lines then this is
more likely to represent real features. Even with 100ks the three line fitting approach recovers
zsur f ace = 0.217 ± 0.004 with ∆χ2 = 50.

1.3.2 Low inclination

Normal spin systems which are viewed at low inclination (< 30◦) can still show a narrow core
to the line profile, even though the majority of the line is rotationally broadened (Baubock,
Psaltis & Ozel 2013). In addition to the low inclination constraint, again the observation would
need to be of a low luminosity island state to get the NS surface cool enough to have a chance
to see atomic features. Together these pick out 4U 1705-44 as a potential candidate, as it is a
persistent source which can vary into the island state, and has low inclination inferred from the
iron line profile (Cackett et al 2010, though this is significantly lower than the same technique
as used by Egron et al 2013). However, only a small fraction of the line is contained in the
narrow core, reducing the effective equivalent width of the feature from the slow spin limit.
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Figure 1: a) The model spectrum for T5X2 based on SAX J1808 island state observations. b) Flux reduced by
a factor 4 to account for difference in distance, simulated through the XIS for 200ks. c) Close up of the iron line
region showing the features corresponding to He-like Ar, Ca and Fe. Together these give a clean measurement of
M/R.

4

Absorptions at He-like Ar, Ca and Fe

The accretion flow onto LMXB should be similar for both neutron star and black holes, and we see similar state transitions in the accretion
flow, winds and jets. Winds can be studied in the long orbital period, high inclination systems at high luminosity - mostly in absorption in the
dippers, mostly in emission in the accretion disc corona sources. The detailed line profiles gives the best test of the (currently very successful)
thermal wind models. Comparing these winds with those seen in black hole LMXBs gives a measure of the impact of the surface and/or
ergosphere. The surface is see directly in the lower luminosity systems, where it is feasible to directly measure M/R from a narrow line in slow
spin, low magnetic field LMXBs – but only one known and its transient.

Low-Mass X-ray Binaries  with ASTRO-H 

~calorimeter science~

Authors: Chris Done & Masahiro Tsujimoto on behalf of LMXB 

team 

0.2RIC

2: Accretion disc 
structure – wind 

and corona

1a) X-ray illumination of the disc heats its surface to Compton temperature TIC. Radius at which these velocities are unbound is RIC (more
carefully, ~0.1-0.2RIC Jimenez-Garate et al 2002, Begelman et al 1983, Woods et al 1996). Below this get static corona, above this get wind
IFF the material can be heated fast enough. Always get wind above LEdd. b) See absorption from corona/wind at high inclination (sources
often dippers due to accretion stream) and scattering from wind/corona at very high inclination (also see eclipses) as central source
obscured (Accretion Disc Corona: ADC sources). Only see blueshifted absorption indicating outflow in expected wind region (shaded
blue)– except one Cir X-1 point, if this is not actually much brighter (Diaz Trigo & Boirin 2012). Winds (blue stars) only in GX13+1
(persistent) and T5X2 (transient). c) Chandra data of GX13+1 (Ueda et al 2004). d) SXS measures ratio of emission/absorption to get solid

angle of wind (simulated for 4ππππ i.e. full P Cygni profile), and can constrain the acceleration profile (red, fast as predicted for thermal wind,
black slow) in 50-100 ks observation of GX13+1. Only one ADC source has large enough disc to have wind – 2S0921-63. e) shows how
emission line width from SXS during 80ks eclipse can also constrain wind velocity. Both GX13+1 and 2S0921-63 have broader lower
ionisation iron emission lines. This is puzzling as both sources are at high inclination where reflection should be weak. These observations
can also critically test our understanding of disc reflection (Diaz Trigo et al 2012).

0.2RIC

c) Chandra GX13+1

d) SXS 
GX13+1

e) SXS 2S0921-63

1: Narrow line as direct measure of neutron star M/R

2a) Equation of state (EoS) constrained to 10-20% by cooling curves/X-ray bursts/lightcurve models for burst oscillations for 1.4M NS.
Existence of 2M NS also crucial (Ozel 2012). But EoS MODELS have 20% uncertainty (Hebeler et al 2013). Much better constraints if get
direct redshift from narrow line – need to see metals (not completely ionized, kT<1.5keV ruling out high L accretion and most bursts) on
surface with low rotational/B field broadening. Low rotation ONLY seen so far in transient globular cluster system IGRJ17480-2446
(T5X2, also an accreting pulsar: Strohmayer & Markwardt 2010), so source confusion in SXS in quiescence. Hence need island state with
typical spectrum shown in b) (Kajeva et al 2011). BUT system may have a B field which dominates the broadening. Assuming not, then c)
shows a 100ks SXS observation simulated with current NS photoshere models (Rauch et al 2008). d) shows that these are detectable.

Minimum 
NS mass

PSR1614-220

References:  Begelman et al 1983, ApJ, 271, 70; Diaz Trigo et al 2006 A&A 445, 179; Diaz Trigo & Boirin 2012 arXiv1210.0318; Diaz Trigo et al 2012  A&A 543, 50; Hebeler et al 2013 arXiv1303.4662;  Kajeva et al 2011 
MNRAS 417, 1454; Jimenez-Garate et al 2002 ApJ 581 1297; Ozel 2013 RPPh 76, 6901; Rauch et al 2008A&A 490, 1127; Strohmayer & Markwardt 2010 Atel 2929; Ueda et al 2004; Woods et al 1996 ApJ 461 767
References:  Begelman et al 1983, ApJ, 271, 70; Diaz Trigo et al 2006 A&A 445, 179; Diaz Trigo & Boirin 2012 arXiv1210.0318; Diaz Trigo et al 2012  A&A 543, 50; Hebeler et al 2013 arXiv1303.4662;  Kajeva et al 2011 
MNRAS 417, 1454; Jimenez-Garate et al 2002 ApJ 581 1297; Ozel 2013 RPPh 76, 6901; Rauch et al 2008A&A 490, 1127; Strohmayer & Markwardt 2010 Atel 2929; Ueda et al 2004; Woods et al 1996 ApJ 461 767

z = 0.217±0.004 (△χ2=50)

SXS 100 ks simulation
Terzan 5 (IGR J17480-2446)

WP3
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中性子星の M-R を測る NICER 計画
Neutron star Interior Composition ExploreR (NICER)

- 56個の X 線集光系 + シリコンドリフト検出器。
- 2016 年に国際宇宙ステーション ISS に搭載予定。
- 0.2-10 keV の軟X線で過去最高の有効面積 (光子統計)を実現。
- NASA ゴダード宇宙飛行センターで集光系の開発を遂行中。

 
 

 
 

driven by high-rate accretion; probing galaxy evolution in clusters with Fe line measurements in the intracluster medium 
out to redshifts z ~ 1 or more; and others. 

3. THE NICER X-RAY TIMING INSTRUMENT 
At the heart of NICER is the X-ray Timing Instrument (XTI), a co-aligned collection of 56 X-ray concentrator (XRC) 
optics and associated silicon drift detectors (SDD). Each XRC collects photons over a large (~50 cm2) geometric area 
from a 15 arcmin2 patch of sky, and focuses them onto a small SDD. The SDDs detect individual X-ray photons, 
recording their energies and times of arrival to high precision. Together, this assemblage provides a photon counting 
capability with large effective area (Figure 6), high time resolution, moderate energy resolution, and low background in 
0.2–12 keV X-rays. Figure 7 depicts the XTI functional components: 

• The XRCs “concentrate” X-rays using grazing-incidence reflections. Individual optical elements are truncated 
conical shells, approximations of ideal mirror figures that are inexpensive to make and provide large through-
put. Each XRC consists of 24 nested conical foils, together with a lightweight support structure. Unlike past 
metal-foil optics flown on ASCA, Suzaku, and other missions, NICER’s XRCs are not imaging optics — X-
rays undergo a single reflection. The absence of secondary mirrors increases efficiency and decreases mass and 
complexity, resulting in an optical system that is optimized for observations of point sources. NICER’s optical 
system, including the optical bench, is provided by NASA GSFC. 

Figure 4. NICER’s peak effective X-ray collecting area exceeds that of XMM-Newton’s 
timing camera by more than a factor of two. 

Figure 3. NICER capabilities and measurement products are highly complementary to those of other X-ray, radio, and γ-ray 
facilities for neutron star studies. Interplay between them amplifies the scientific returns from all. 
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重力レンズ効果でコンパクト比 M/R を測る

Figure 4. (Left) A distant observer sees X-ray intensity grow and fall as hot-spots on a neutron star surface 
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- 星表面のホットスポットからの
  熱放射の時間変動を解析し、
  重力レンズ効果を計測して、
  中性子星の状態方程式をかつてない
  精度で測定、決定することを狙う。
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パルサーが深宇宙探査で GPS になる未来

時計の安定度
普通のパルサー ~ 10-2 原子時計
ミリ秒パルサー ~ 10-6 原子時計
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まとめ
• 中性子星は、質量 M、半径 R、自転周期 P、温度 T、磁場強度 B
という５つの基本パラメータをもつ。M、R が M~1.4M⊙ と 
R~10 km に集中するのに比べ、P, T, B は幅広い桁で分布する。

• 観測された中性子星は、これらのパラメータの多様性に加え、星間
物質、連星などの周辺環境の違いで、回転エネルギー、重力エネル
ギー、熱エネルギー、磁場エネルギーなど、異なるエネルギー源で
多様な特徴をもつ。

• 質量 M と半径 R を決めるには、これらの多様性とそれに由来する
測定の不定性を十分に見極めることが必要である。
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