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GW170817: Death of neutron stars
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2017 is memorial year for NS

0 year from GW170817 observation (NS death) [LIGO-Virgo] 

30 years from SN1987A observation (possible NS birth) 
[Kamiokande+] 

50 years from pulsar discovery (NS confirmation) [Hewish-Bell] 

43 years from discovery of binary neutron stars [Hulse-Taylor] 
83 years from theoretical prediction of neutron star [Baade-Zwicky] 
85 years from discovery of neutron [Chadwick] 
97 years from theoretical prediction of neutron [Rutherford]
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Back in 1983
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Agenda

Observable of NS: 
1. mass 
2. spin 
3. magnetic fields 

Can we calculate them w/ supernova simulations?
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0. supernova modeling
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0. SN modeling
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Supernovae are made by neutron star formation

7

Baade & Zwicky 1934

9. 2 超新星からの重力波 57
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図 9.2 カミオカンデ、IMB、Baksan で検出された超新星 1987A からのニュートリ
ノ。エネルギーはニュートリノそのものではなく二次的に生成された陽電子の
ものであることに注意。それぞれの検出器で最初に検出されたイベントを時刻
原点とし、それ以降のイベントの相対検出時間を横軸にとっている。

る。この本の執筆段階でいまだ重力波の直接検出は実現されていないが、2015

年より動き出した米国のAdbanced LIGO計画によって近い将来重力波が検出
されると期待されている。

9. 2. 1 四 重 極 公 式
ここでは、四重極公式に基づいて重力波強度を評価しよう。この公式を導く
には、低速および弱い重力場であるという近似が用いられている。それではま
ずこの四重極公式を導こう。厳密な公式を導くには一般相対性理論の摂動論を
行なう必要があるが、本節ではそこまで踏み込まず、ニュートン力学の枠組み
と次元解析から公式を導出する。
[Flanagan-Hughes2005 Section 4.3]

まず、質量分布のモーメントを定義する。0次のモーメントは質量そのもの
である。

M0 ≡
∫

ρdx3 = M (9.8)

より正確には、これは全質量エネルギーである。次に双極子モーメントを定義

Time after first event (s)

En
er

gy
 (M

eV
)

Neutrinos from SN 1987A (Feb. 23 1987)

Eνe̅~5x1052 erg (e.g. Sato & Suzuki 1987) 

Etot~6xEνe̅~3x1053 erg
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Standard scenario of core-collapse supernovae
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ρc~109 g cm-3
ρc~1011 g cm-3 ρc~1014 g cm-3

Final phase of stellar 
evolution

Neutrinosphere formation 
（neutrino trapping）

Neutron star formation 
(core bounce）

shock stall shock revival Supernova!
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Current paradigm: neutrino-heating mechanism

A CCSN emits O(1058) of neutrinos with O(10) MeV. 
Neutrinos transfer energy 

Most of them are just escaping from the system (cooling) 

Part of them are absorbed in outer layer (heating) 

Heating overwhelms cooling in heating (gain) region
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neutron staremission

absorption

heating region
shock

cooling region
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What do simulations solve?

10

input: ρ(r), T(r), Zi(r), vr(r)
stellar evolution

Gravity
general relativity
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Nuclear equation of state
strong interaction

Numerical table based on nuclear physics 
e.g.) 103 g cm-3 < ρ < 1015 g cm-3 

0.1 MeV < T < 100 MeV 
0.03 < Ye <0.56

Neutrino transfer
weak interaction

Number of interactions; 
pe- <-> nνe, ne+ <-> pνe̅ 

νe± <-> νe±, νA <-> νA, νN <-> νN 
νν ̅<-> e-e+, NN <-> ννN̅N, νν ̅<->νν̅

as first-principles as possible. 
parameter free simulation!

(Magneto-)hydrodynamics
electro-magnetic interaction
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1. NS mass from SN
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NS mass measurements

>2500 pulsars have been 
found in the Galaxy 
10% in the binary system  
-> mass measurement possible 

11 double NSs
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Figure 2
The most recent measurements of neutron-star masses. Double neutron stars (magenta), recycled pulsars
( gold ), bursters ( purple), and slow pulsars (cyan) are included.
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Figure 3
The inferred mass distributions for the different populations of neutron stars.

parameters for these distributions are the following: M 0 = 1.33 M⊙ and σ = 0.09 M⊙ for
the DNSs, M 0 = 1.54 M⊙ and σ = 0.23 M⊙ for the recycled NSs, and M 0 = 1.49 M⊙ and
σ = 0.19 M⊙ for the slow pulsars. A recent study also raised the possibility of two peaks within
the recycled MSP population, with the first peak at M = 1.39 M⊙ and a dispersion σ = 0.06 M⊙

and a second peak appearing at M = 1.81 M⊙ with a dispersion of σ = 0.18 M⊙ (Antoniadis
et al. 2016).

Among these inferred distributions, the narrowness of the DNS distribution stands out.
Although clearly not representative of NSs as a whole, as it was once thought (Thorsett &
Chakrabarty 1999), it probably points to a particular evolutionary mechanism that keeps the
masses of NSs in these systems in a narrow range. Recent discoveries, such as the DNS J0453+1559
(Deneva et al. 2013), indicate that the range of masses in DNS systems may also be wider than
previously believed: the recycled pulsar has a mass of 1.559 (5) M⊙, the heaviest known in any DNS
(Martinez et al. 2015), whereas the companion has a mass of 1.174 (4) M⊙, the smallest precisely
measured mass of any NS (we infer that the companion is an NS from the orbital eccentricity of
the system, e = 0.11251837(5), which would not arise if it had slowly evolved to a massive WD
star).

2.6. Maximum Mass of Neutron Stars
Finding the maximum mass of NSs is of particular interest in mass measurements because of its
direct implications for the NS EoSs and NS evolution. The largest NS mass can rule out the EoSs
that have maximum masses and fall below this value. The current record holder on this front is
J0348+0432 with a mass of 2.01 ± 0.04 M⊙ (Antoniadis et al. 2013).

There are also some studies of a particular class of MSPs called black widows (and their cousins
redbacks) that have suggested higher NS masses (e.g., van Kerkwijk et al. 2011). These MSPs
irradiate and ablate their very low-mass companions. Although the pulsar timing provides the
Keplerian parameters for the orbit, all other information about the masses in these systems is
obtained from the modeling of the optical light curves (to determine orbital inclination) and the
spectroscopy (to measure the mass ratio) of the companion star. Unfortunately, there are many
difficulties in obtaining accurate measurements from these ablated companions. Even when using
a model of an irradiated companion, the short timescale variability, the unevenly heated surface,

www.annualreviews.org • Neutron-Star Masses and Radii 415
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Current understanding of SN

Shock position is given by force balance between thermal 
pressure (down stream) and ram pressure (up stream) 
Since ram pressure is related to mass accretion rate, a 
drastic change of Ṁ changes shock and leads to explosion

13

P ρv2∝Ṁv

of turning points and to infer which models are more likely to
explode than others. A 1D model trajectory will also be useful
to discuss to what extent particular ingredients included in
simulations (e.g., the nuclear equation of state, neutrino
interactions, scheme to solve the neutrino transfer) affect the
location of the turning point.

In the following, based on the results of our simulations
presented so far, we develop a phenomenological model that
connects the density structure of the progenitorjust prior to the
collapse and the model trajectory in the nM L˙ – plane.

4. PHENOMENOLOGICAL MODEL

In this section, we construct a phenomenological model. The
purpose is twofold: first, it is important to understand
qualitatively why and where the turning point appears; second,
we aim to expedite the judgment of which progenitors are
likely to produce shock revival. As mentioned in the previous
sections, the location of the turning point, if any, on the
trajectory in the nM L˙ – plane may serve as a sufficient condition
for shock revival if it is located more to the upper left corner.
Although the trajectory evaluated in 1D simulations will be
sufficient for this purpose, the procedure may be simplified
even further by the employment of the phenomenological
model. It is not necessary for the phenomenological models to
perfectly reproduce the trajectories obtained numerically.
Instead, it is important that the turning points are placed
at approximately correct positions and that the relative
locations of the turning points for different progenitors are
correctly reproduced. The latter point is particularly important,
since the numerical results contain systematic errors one way or
another.

In this model the mass accretion rate is evaluated as

=M
dM
dt

2
ff

˙ ( )

=
-
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⎝

⎞
⎠

dM
dr
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, 3ff
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where tff is the free-fall time, which is defined as a function of
the radius by
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where α is a parameter introduced to fit to numerical results.
Inverting this relation, we regard the radius as a function of tff.
Figure 16 shows the mass accretion rates as a function of t,
which is identified with tff. The figure should be compared with
panel (b) of Figure 4 (note that the vertical scale is different). It
can be seen that the model reproduces the characteristic
features, namely, that the mass accretion rate is high and
rapidly decreasing initially, and when the silicon layer accretes
onto the PNS completely, it becomes significantly smaller
because of the density drop at the layer boundary and remains
almost constant thereafter (see Appendix A for the reason why
the mass accretion rate becomes constant at late times).
Although there have been several approximate functional

forms, e.g., t-e t (Janka & Mueller 1996), proposed for the
total neutrino luminosity as a function of time, we employ the
following form based on the diffusion timescale:

=
+

nL t
L

t t1
, 5diff

diff
( ) ( )

where Ldiff=Eint/tdiff is the diffusion luminosity, with
= nE GM R3 5int PNS

2( ) being the internal energy stored inside
the PNS and tdiff being the diffusion timescale defined shortly,
and MPNS and Rν are the mass and radius of the PNS,
respectively. Again identifying tff with t results in the following
expression:

=
+

nL
E

t t
. 6int

ff diff
( )

The diffusion time tdiff can be evaluated as (see Appendix B for
the derivation)
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where σ is the cross section of neutrino-nucleon scattering,
which is given as s e s e»n n m c0 e

2 2( ) ( ) , with
σ0=1.705×10−44 cm2,12 the electron mass me, and the
neutrino energy εν; the proton mass is denoted by mp.
Moreover, en,PNS is a characteristic energy of neutrinos inside
the PNS.13 The mass of the PNS increases as matter accretes

Figure 16. Mass accretion rate calculated by the free-falling model.

12 There are coefficients of O(1), which are neglected for simplicity (see
Burrows et al. 2006b, for more details).
13 The characteristic value employed here seems rather large compared with
the commonly used value ∼10 MeV. This is because the former represents the
average energy inside the PNS, where the matter temperature is a few tens of
MeV and, as a consequence, the neutrino average energy becomes several tens
of MeV. On the other hand, the latter value reflects the matter temperature at
the neutrinosphere, O(1) MeV.
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The Astrophysical Journal, 816:43 (16pp), 2016 January 1 Suwa et al.Rankine-Hugoniot relation 
(P)down=(ρv2)up

radius

pressure

shock

Mass accretion history 
Suwa+, ApJ (2016)
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When is SN shock launched?

When the mass shell of Si/Si-O interface run across the 
shock, several oscillations ensue in the shock radius 
Aided by turbulence driven by convection and SASI, the 
shock is eventually launched

14

ZAMS. In addition to model s15 just studied, we use four more
models from Nomoto & Hashimoto (1988) (NH88), Woosley
& Weaver (1995) (WW95), Woosley et al. (2002) (WHW02),
and Limongi & Chieffi (2006) (LC06). The first three of them
were also employed in Suwa et al. (2011), in which neutrino
oscillation effects on a supernova explosion were investigated.
The precollapse density structures are given in Figure 12 (see
also Figure8 of Suwa et al. 2011 for comparison of the density
structures at 100 ms after the bounce; in this paper it was
argued that the structures are similar among the different
models for M<0.8Me whereas they are different for
M>0.8Me). It can be observed that even though the initial
mass at ZAMS is the same, the density structures prior to
collapse become different, depending on both the physics and
the numerics implemented in stellar evolutionary calculations.
It should be noted in particular that the difference between
WW95 and WH07 is substantial for M1.1Me before
collapse (compare red and orange lines in Figure 12).

Figure 13 presents these models in the nM L˙ – plane
evaluated for 1D simulations (cf. Figure 6). NH88, WW95,
and LC06 have clear turning points, and the former two are

located more to the left than the last and are more likely to
achieve shock revival. This is a consequence of the density
jumps more remarkable for these models as observed in
Figure 12. It is noted that all 1D simulations failed to produce
an explosion.
The shock evolutions for 2D simulations are given in

Figure 14. The two progenitors, NH88 and WW95, indeed
succeeded in producing shock revival, whereas the others
failed. This is a clear demonstration that not the ZAMS mass
but the density structure of the progenitor matters for the
dynamics of shock revival. Again, the successful models have
turning points that are located more to the left than the
unsuccessful models, as seen in Figure 13. This is the same
conclusion as in the previous subsection.

3. TURNING POINT

In this section, we propose a novel idea to diagnose a
possibility of shock revival using the trajectory in the nM L˙ – or

nMM L2˙ – plane (see Figure 15). This plane is often used to
discuss the critical curve, which divides this plane into two
regions: the region below this line, in which there are steady
accretion flows, and the other region above the curve, in which
there is no such flow (Burrows & Goshy 1993). The latter is
therefore interpreted as the regionwhere shock revival occurs.
The question arises, where on the actual trajectory is the critical
line crossed from below?
In Figure 15, we present the typical situation we found in the

majority of our models in the previous sections as a schematic
picture of the trajectory and the critical curve in the nM L˙ –
plane. The red solid line represents the critical curve, and the
black dotted line gives a typical trajectory. As mentioned
already in the preceding sections, there is a point on the
trajectoryat which the slope of the trajectory steepens suddenly
as a consequence of the rapid change in the mass accretion rate
there. This point is referred to as the turning point in this paper.
It is worth noting that the trajectory is shallower than the
critical curve before the turning is reached and the order is
changed thereafter. Consequently, it is obvious that the
trajectory can cross the critical curve if and only if the turning
point is located above the critical curve. It should also be clear

Figure 10. (a) Initial profiles of density and composition for model s80. The abundances of 28Si (red line) and 16O (green line)and the density (blue line) are given as
a function of the mass coordinate. There are two jumps in density, representing the transition of layers. (b) Trajectories of the mass shells with the mass coordinates of
1–1.85 Me with an interval of 0.01 Me are plotted as gray curves for the same model. Thin black lines represent 1.66, 1.7, and 1.75 Me from left to right, respectively.
A thick black curve indicates the average shock position. When the mass shell of 1.66 Me runs across the shock, several oscillations ensue in the shock radius. The
shock is eventually expanded at ∼400 ms after the bounce.

Figure 11. Time evolutions of the diagnostic energy for 2D models. It is
defined by the integral of the sum of the specific internal, kinetic, and
gravitational energies, over the zones, in which it is positive. The horizontal
axis is the postbounce time.
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The Astrophysical Journal, 816:43 (16pp), 2016 January 1 Suwa et al.

density jump

Si layer
O layer

Si-O layer

1.66M⊙

[Suwa, Yamada, Takiwaki, Kotake, ApJ, 816, 43 (2016)]
1.66M⊙

1.7M⊙

1.75M⊙
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Progenitor structure and NS mass
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Fig. 15.— Neutron star mass distribution resulting from analyz-
ing the new model set with normal mass loss (ṀN) for stars in
the mass range 12 to 27 M� using the approach of Müller et al.
(2016). (Top:) The baryonic mass of the expected neutron star
is plotted as a function of M4, the mass where the entropy per
bryon reaches 4.0kB in the presupernova star (§4). Neutron stars
on the grey dashed line have a mass, before neutrino losses, equal
to M4. Many points are found here because M4 is usually the
“mass cut” in a successful explosion, unless the final entropy pro-
file is significantly more shallow. (Bottom:) The gravitational mass
(adjusted from the baryonic mass in the same way as in Müller
et al. 2016) of the expected neutron star as a function of main
sequence mass. More massive neutron stars are typically made
by more massive main sequence stars with a greater ⇠2.5 and µ4,
but the most massive points on this plot come from models with
MZAMS ⇠ 14�15 M�, the most massive models with a significant
second oxygen shell burning. The existence of multiple branches
for these quantities (Fig. 10 and Fig. 11) results in a large range
of neutron star masses being acessible by stars of nearly the same
main sequence mass for some initial masses. Note also the cluster
of neutron stars with mass near 1.65 M� coming from the most
massive supernova progenitors.

bon and oxygen shells should also be a common feature.
Further exploration is again encouraged.

All of the new presupernova models presented here are
available online. Also online are plots of the convective
histories of 800 models between 12 and 20 M� of the Ṁ
set (see Footnote 9). Other auxiliary prespernova models
(e.g., those presented in §2.1 and §2.2) are available upon
request to the authors.
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Fig. 15.— Neutron star mass distribution resulting from analyz-
ing the new model set with normal mass loss (ṀN) for stars in
the mass range 12 to 27 M� using the approach of Müller et al.
(2016). (Top:) The baryonic mass of the expected neutron star
is plotted as a function of M4, the mass where the entropy per
bryon reaches 4.0kB in the presupernova star (§4). Neutron stars
on the grey dashed line have a mass, before neutrino losses, equal
to M4. Many points are found here because M4 is usually the
“mass cut” in a successful explosion, unless the final entropy pro-
file is significantly more shallow. (Bottom:) The gravitational mass
(adjusted from the baryonic mass in the same way as in Müller
et al. 2016) of the expected neutron star as a function of main
sequence mass. More massive neutron stars are typically made
by more massive main sequence stars with a greater ⇠2.5 and µ4,
but the most massive points on this plot come from models with
MZAMS ⇠ 14�15 M�, the most massive models with a significant
second oxygen shell burning. The existence of multiple branches
for these quantities (Fig. 10 and Fig. 11) results in a large range
of neutron star masses being acessible by stars of nearly the same
main sequence mass for some initial masses. Note also the cluster
of neutron stars with mass near 1.65 M� coming from the most
massive supernova progenitors.

bon and oxygen shells should also be a common feature.
Further exploration is again encouraged.

All of the new presupernova models presented here are
available online. Also online are plots of the convective
histories of 800 models between 12 and 20 M� of the Ṁ
set (see Footnote 9). Other auxiliary prespernova models
(e.g., those presented in §2.1 and §2.2) are available upon
request to the authors.
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NB) The estimation is NOT based on hydrodynamics simulation,  
but on phenomenological model of Müller+ (2016)

see poster by Nakamura-san
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Double NSs
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Figure 2
The most recent measurements of neutron-star masses. Double neutron stars (magenta), recycled pulsars
( gold ), bursters ( purple), and slow pulsars (cyan) are included.
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First asymmetric DNS system
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From Freire’s talk in NPCSM2016@YITP
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A low-mass NS

MNS=1.174M⊙! (NB, it ‘s gravitational mass, baryonic mass is ~1.28M⊙) 

Is it a white dwarf? Maybe no 
a large eccentricity (e=0.112) is difficult to explain by slow 
evolution into a WD 

How to make it? 
a small iron core of massive star? 
(typically MCh=1.46(Ye/0.5)2M⊙) 
getting rid of mass from a NS? 

Implication on nuclear physics 
η=(KL2)1/3 determines NS radius [Sotani+ 2014]

18

Eur. Phys. J. A (2014) 50: 46 Page 5 of 18

Table 1. Nuclear matter properties at saturation density, n0, and zero temperature for our selection of hadronic SN EOS
currently available. Listed are binding energy, E0, incompressibility, K, symmetry energy, S, slope of the symmetry energy, L,
radius of a 1.4 M⊙ neuron star, R1.4 and maximum gravitational mass, Mmax.

EOS
n0 E0 K S L R1.4 Mmax

[fm−3] [MeV] [MeV] [MeV] [MeV] [km] [M⊙]

SFHo 0.1583 16.19 245 31.57 47.10 11.89 2.06

SFHx 0.1602 16.16 238 28.67 23.18 11.99 2.13

HS(TM1) 0.1455 16.31 281 36.95 110.99 14.47 2.21

HS(TMA) 0.1472 16.03 318 30.66 90.14 13.85 2.02

HS(FSUgold) 0.1482 16.27 229 32.56 60.43 12.55 1.74

HS(DD2) 0.1491 16.02 243 31.67 55.04 13.22 2.42

HS(IUFSU) 0.1546 16.39 231 31.29 47.20 12.68 1.95

HS(NL3) 0.1482 16.24 272 37.39 118.49 14.77 2.79

STOS(TM1) 0.1452 16.26 281 36.89 110.79 14.50 2.22

LS (180) 0.1550 16.00 180 28.61 73.82 12.16 1.84

LS (220) 0.1550 16.00 220 28.61 73.82 12.67 2.05

Exp. ∼ 0.15 ∼ 16 240 ± 10(a) 29.0–32.7(b) 40.5–61.9(c) 10.4–12.9(c) ! 2.0(d),(e)

(a)
Ref. [69].

(b)
Ref. [24].

(c)
Ref. [29].

(d)
Ref. [67], 1.97 ± 0.04 M⊙.

(e)
Ref. [68], 2.01 ± 0.04 M⊙.
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Fig. 2. (Color online) Mass-radius relations for cold neutron
stars in β-equilibrium for various different SN EOSs.

constraints. IUFSU was constructed to have both, small
neutron-star radii like FSUgold and a large neutron star
maximum mass (see fig. 2). The authors of SFHo and
SFHx even extended this approach by fitting the EOS di-
rectly to the neutron star radius measurements. The two
non-relativistic EOSs LS180 and LS220 are also compati-
ble with small neutron star radii.

It is interesting to note that LS180 and FSU, as well as
LS220 and IUFSU, have similar mass-radius curves. Nev-
ertheless, the two LS models have very different neutron
matter EOSs, as will be shown below. Furthermore, the
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Fig. 3. (Color online) Energy per baryon of neutron matter
at zero temperature. The gray shaded region shows the results
obtained with Chiral EFT from ref. [74]. The different lines
show various available supernova EOS, for details see text.

LS models lead to notable differences in core-collapse su-
pernova simulations compared to FSUgold as was demon-
strated in refs. [28, 29].

Figure 3 shows the energy per baryon, E/N , for neu-
tron matter at T = 0 for the same set of EOSs. The neu-
tron matter EOS is important because its energy, E/N ,

Fischer, Hempel, Sagert, Suwa, Schaffner-Bielich (2014)
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A path toward a low mass NS?: Ultra-stripped SN

19

[Suwa+, MNRAS, 454, 3073 (2015); Yoshida+, MNRAS, 471, 4275 (2017)]

1.4. Résumé of DNS Formation

Previous theoretical works on the physics of DNS formation
includes (here disregarding general population synthesis studies)
Bisnovatyi-Kogan & Komberg (1974), Wheeler et al. (1974),
Flannery & van den Heuvel (1975), Srinivasan & van den Heuvel
(1982), van den Heuvel (1994), Ivanova et al. (2003), Dewi &
Pols (2003), Podsiadlowski et al. (2004), van den Heuvel (2004),
and Dewi et al. (2005). From these papers, a standard scenario12

has emerged (e.g., Bhattacharya & van den Heuvel 1991; Tauris
& van den Heuvel 2006), which we now summarize in more
detail.

In Figure 1, we show an illustration of the formation of a DNS
system. The initial system contains a pair of OB-stars that are
massive enough13 to terminate their lives in a core-collapse SN
(CCSN). To enable the formation of a tight DNS system in the end,
the two stars must initially be in a binary system close enough to
ensure interactions via either stable or unstable mass transfer. If the
binary system remains bound after the first SN explosion (which is
of Type Ib/c; Yoon et al. 2010), the system eventually becomes
observable as a HMXB. Before this stage, the system may also be
detectable as a radio pulsar orbiting an OB-star, e.g., as in
PSRsB1259−63 (Johnston et al. 1992) and J0045−7319 (Kaspi
et al. 1994). When the secondary star expands and initiates full-
blown Roche-lobe overflow (RLO) during the HMXB stage, the
system eventually becomes dynamically unstable. For wide
systems, where the donor star has a deep convective envelope at
the onset of mass transfer (i.e., during the so-called Case B RLO,
following the termination of core hydrogen burning), the timescale
on which the system becomes dynamically unstable might be as
short as a few 100yr (Savonije 1978). This leads to the formation
of a CE (Paczyński 1976), where the dynamical friction of the
motion of the NS inside the giant star’s envelope often causes

extreme loss of orbital angular momentum and (in some cases)
ejection of the hydrogen-rich envelope. If the binary system
survives the CE phase, it consists of a NS orbiting a helium star
(the naked core of the former giant star). Depending on the orbital
separation and the mass of the helium star, an additional phase of
mass transfer (Case BB RLO; Habets 1986; Tauris et al. 2015)may
be initiated. This stage of mass transfer is important since it enables
a relatively long phase of accretion onto the NS, whereby the NS is
recycled, and it allows for extreme stripping of the helium star prior
to its explosion (as a so-called ultra-stripped SN; Tauris et al. 2013,
2015; Suwa et al. 2015; Moriya et al. 2017). Whether or not the
system survives the second SN depends on the orbital separation
and the kick imparted onto the newborn NS (Flannery & van den
Heuvel 1975; Hills 1983; Tauris & Takens 1998). As we shall
argue in this paper, we expect most systems to survive the second
SN explosion. If the post-SN orbital period is short enough (and
especially if the eccentricity is large), the DNS system will
eventually merge due to GW radiation and produce a strong high-
frequency GW signal and possibly a shortGRB (e.g., Eichler et al.
1989). The final remnant is most likely a BH, although, depending
on the EoS, a NS (or, at least, a metastable NS) may be left behind
instead (Vietri & Stella 1998).

1.5. Major Uncertainties in DNS Formation

Aside from the pre-HMXB evolution, which is discussed in
Section 3.1, the most important and uncertain aspects of our
current understanding of DNS formation are related to

Table 1
Observed Ranges of Key Properties of DNS Systems

Properties of Recycled (Old) NSs:
Spin period, P 23 185 ms–
Period derivative, Ṗ 0.027 18 10 s s18 1´ - -( – )
Surface dipole B-field, B 0.29 18 10 G9´( – )
Mass, MNS,1 1.32–1.56 Me

a

Properties of Young NSs:
Spin period, P 144 2773 ms–
Period derivative, Ṗ 0.89 20 10 s s15 1´ - -( – )
Surface dipole B-field, B 2.7 5.3 10 G11´( – )
Mass, MNS,2 M1.17 1.39 :–

Orbital Properties:
Orbital period, Porb 0.10 45 days–
Eccentricity, e 0.085 0.83–
Merger time, gwrt 86 Myr ¥
Systemic velocity, vsys 25 240 km s 1-–

Note. Data taken from the ATNF Pulsar Catalogue (Manchester et al. 2005)—
see Table 2 for further details. Only DNS systems in the Galactic disk are
listed. The systemic recoil velocity, v vsys

LSR= , is quoted with respect to the
local standard of rest (Section 2.2).
a 1.32 Me Mark an upper limit to the lowest mass of the first-born NS.

Figure 1. Illustration of the formation of a DNS system that merges within a
Hubble time and produces a single BH, following a powerful burst of GWs and
a shortGRB. Acronyms used in this figure—ZAMS: zero-age main sequence;
RLO: Roche-lobe overflow (mass transfer); He-star: helium star; SN:
supernova; NS: neutron star; HMXB: high-mass X-ray binary; CE: common
envelope; BH: black hole.

12 See brief discussion given in Section 4.2 for an alternative “double core
scenario” (Brown 1995; Dewi et al. 2006) in which CE evolution with a NS is
avoided.
13 The secondary (initially less massive) star may be a M5 7 :– star which
accretes mass from the primary (initially more massive) star to reach the
threshold limit for core collapse at M8 12~ :– (Jones et al. 2013; Woosley &
Heger 2015; see also Section 3.1).
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Explosions of ultra-stripped SNe 3079

Figure 7. Evolutions of the radius of shocks.

Figure 8. Time evolutions of PNS mass (defined by ρ > 1011 g cm−3).

detailed nucleosynthesis calculation, which is beyond the scope of
this paper. The NS kick velocity is estimated by assuming the linear
momentum conservation of the whole progenitor star, i.e. assuming
that anisotropic mass ejection leads to NS kick (e.g. Wongwatha-
narat, Janka & Müller 2013). The linear momentum of ejecta is
calculated by

Pej =
∫

ρ<1011 g cm−3,vr>0
ρvdV , (3)

where v is the velocity vector and vr is its radial component. The NS
kick velocity is then given by vkick = −Pej/MNS,baryon. Since the
axial symmetry is assumed in our simulations, the kick velocity may
be overestimated due to the existence of preferable direction of NS
kick, i.e. symmetry axis. Additionally, the stochastic nature of post-
shock turbulent flow would also change the degree of asymmetry
of ejecta so that the initial small perturbation could change the kick
velocity significantly (Scheck et al. 2006). More statistical study is
needed to pin down this issue. It can be argued that small envelope,
not small iron core itself, which can rapidly accelerate shock, would
generally lead to small kick velocity due to too short time for SASI
to build up (see also, e.g., Podsiadlowski et al. 2004; Bogomazov,
Lipunov & Tutukov 2007).

4 SU M M A RY A N D D I S C U S S I O N

We have performed both stellar evolution simulations of bare CO
cores and explosion simulations for the end product of the CO cores
for modelling ultra-stripped Type Ic SNe. We have found that all
CO cores with mass from 1.45 to 2.0 M⊙ resulted in explosion
with energy of O(1050) erg, which left NSs with gravitational mass
from ∼1.24 to 1.44 M⊙ and ejecta from ∼0.1 to 0.4 M⊙ with
synthesized 56Ni of O(10−2) M⊙. These values are compatible with
observations of ultra-stripped SN candidates (Drout et al. 2013;
Tauris et al. 2013, 2015). For SN 2005ek, Mej ≈ 0.2–0.7 M⊙ and
MNi ≈ 0.02–0.05 M⊙ are appropriate to fit its light curve. The
event rate of these SNe is estimated as ∼1 per cent of core-collapse
SN rate (Drout et al. 2013, 2014), which is also compatible with an
NS merger rate estimation (Abadie et al. 2010).

We took a different approach from previous studies on ultra-
stripped SNe (Tauris et al. 2013, 2015). In previous works, they
self-consistently performed stellar evolutionary simulations until
oxygen burning phase with self-consistent mass-loss driven by wind
but explosion calculations were based on phenomenological mod-
elling with three free parameters: kinetic energy of SN, Ni mass,
and mass cut (i.e. NS mass). Based on this model, they found that
ultra-stripped SN model could account for the light curve of SN
2005ek quite well. In our work, on the other hand, we performed
stellar evolutionary simulations until the last phase of evolution, i.e.
iron core collapse, but for initially bare CO cores without mass-loss.
For the explosion phase, we performed neutrino-radiation hydrody-
namics simulations to calculate explosion energy, Ni mass, and NS
baryon mass in self-consistent manner. In this sense, this work is

Table 2. Summary of simulation results.

Model tfinal
a Rsh

b Eexp
c MNS, baryon

d MNS, grav
e Mej

f MNi
g vkick

h

(ms) (km) (B) (M⊙) (M⊙) (10−1 M⊙) (10−2 M⊙) (km s−1)

CO145 491 4220 0.177 1.35 1.24 0.973 3.54 3.20
CO15 584 4640 0.153 1.36 1.24 1.36 3.39 75.1
CO16 578 3430 0.124 1.42 1.29 1.76 2.90 47.6
CO18 784 2230 0.120 1.49 1.35 3.07 2.56 36.7
CO20i 959 1050 0.0524 1.60 1.44 3.95 0.782 10.5

Notes. aThe final time of simulations measured by post-bounce time.
bThe angle-averaged shock radius at tfinal.
cThe explosion energy in units of B (=1051 erg) at tfinal, which is still increasing.
dThe baryonic mass of NS at tfinal.
eThe gravitational mass of NS computed by equation (2) at tfinal.
fThe ejecta mass at tfinal.
gThe Ni mass at tfinal.
hThe kick velocity at tfinal.
iNote that this model is marginally exploding.

MNRAS 454, 3073–3081 (2015)
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Figure 4. Abundance ratios of elements in the ejecta of ultra-stripped Type
Ic SNe to the solar abundance. The red and black lines denote the ratios
of the CO145 and CO15 models, respectively. The dashed lines denote the
maximum ratios and the ratios of the 10 per cent of the maximum ratios.

Figure 5. Abundance ratios of isotopes in the ejecta of the (a) CO145 and
(b) CO15 model to the solar abundance. The red and black lines correspond
to odd-Z and even-Z nuclei. The green-hatched region denotes the range of
the abundance ratio between the maximum and one-tenth of that.

is ignored, the peak luminosity is approximately halved. The main
energy source other than 56Ni and 56Co is 57Ni and 66Cu for the
CO145 and the CO15 model, respectively. The decay time of the
luminosity from these elements is about 4 and 8 d in the CO145 and
the CO15 model, respectively. The difference of the contribution
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Figure 6. Light-curves of the ultra-stripped Type Ic SNe. The red and blue
curves denote the CO145 and CO15 models, respectively. The circles denote
the light-curve of SN 2005ek. The orange dashed line denotes the CO145
Ye-B model (see Section 4.2).

from these elements is mainly the result of the difference in the 56Ni
yield.

Recently, a variety of fast-decaying SNe have been found in
survey programs for transient objects. Subluminous SNe have also
been observed as Types Ia and Ib/c SNe (e.g. Foley et al. 2013;
Drout et al. 2014). Some subluminous fast-decaying SNe could be
ultra-stripped SNe. These observed SNe showed spectral features
different from those of normal Types Ia and Ib/c SNe. The ejecta of
the ultra-stripped SNe in our models indicate a higher abundance
ratio of intermediate elements to oxygen compared with the case
for more massive CO cores. These compositional differences could
give distinctive spectral features. The identification of ultra-stripped
SNe from Type I SNe is important for the evaluation of the ultra-
stripped SN rate. Future observations of ultra-stripped SNe could
constrain the rates of ultra-stripped SNe.

We note, as pointed out in Suwa et al. (2015), that it is safe to
consider that our results give a lower limit of the explosion energy
of an ultra-stripped SN. In the case of a stronger explosion of an
ultra-stripped SN, the ejected 56Ni mass could be larger. If so, ultra-
stripped SNe could be observed as fast-decaying SNe such as the
Type Ic SN 2005ek. We also note that the 56Ni mass would be
underestimated because of the missing proton-rich component in
the neutrino-irradiated ejecta. This will be discussed in Section 4.2.

4.2 Uncertainties of the yield of light trans-iron elements in
ultra-stripped SN models

We obtained light trans-iron elements in the ultra-stripped SN mod-
els. However, the production efficiency of the elements depends
on the Ye distribution of the SN ejecta, which in turn depends on
the detailed treatment of neutrino transport. Indeed, Müller (2016)
showed that an approximate treatment of neutrino transport intro-
duces a broader Ye distribution than in a more stringent model
including sophisticated microphysics. On the other hand, an update
of the code can even lead to a smaller Ye distribution. For instance,
an ECSN simulation performed by the Garching group with an up-
dated code showed a smaller minimum value of Ye (0.34) than the
previous result (0.404; Wanajo et al. 2011) (Janka 2016, private

MNRAS 471, 4275–4285 (2017)

MC/O=1.45M⊙

MC/O=2.0M⊙

lower MC/O
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Summary of NS mass

NS mass would be determined by the interface of Si/Si-O 
layers 

shock is launched from this mass 
Stellar evolution is important 

Low-mass NS is interesting 
Might be originated from close-binary interactions 
Might be related to ultra-stripped SNe 
More statistics w/ GW observations
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2. NS spin from SN
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Stability argument and limitation of rotation

For a rotating body, there are some criteria to be stable 
T(rotation energy) ~ MR2Ω2 
W(gravitational binding energy) ~ GM2R-1 

Instability criteria; 

T/|W|≳0.26: dynamical instability 

T/|W|≳0.14: secular instability 

T/|W|≳O(0.01): low-T/W instability 
For the fastest rotating pulsar (PSR J1748-2446ad; Ω=4.5x103 s-1), 
T/|W|~0.036 (assuming a rigid body, M=1.4M⊙, R=10km) 

BTW, T/|W|~7x10-6 for Sun (w/ rigid body assumption). If it 
collapses to a NS, T/|W|=0.49! (faster than break-up)

22
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Angular momentum conservation

Angular momentum conservation: Ω∝R-2 
ΩNS=104xΩcore(RNS/10km)-2(Rcore/1000km)2 

What is typical rotation rate of core? 
Depends on the treatment of magnetic fields, e.g., 

Ω=0.37 rad/s [Heger+ 00] w/o B => PNS=1.7ms 
Ω=0.05 rad/s [Heger+ 05] w/B => PNS=12ms 

NB) large uncertainty is remaining
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the presence of progenitor rotation, the spiral SASI becomes dom-
inant much more quickly than in the absence of rotation.

The spiral flow pattern generated by the distorted accretion shock
will have a marked effect on the underlying PNS. Figure 3 shows the
time evolution of the net angular momentum accreted onto the
PNS. For the non-rotating-progenitor models there is no angular
momentum in the flow entering the simulation domain at the outer
boundary, nor are there any external torques that might change the
global angular momentum. Therefore the net angular momentum of

the simulation must remain zero. As a consequence, the angular
momentum in the accretion flow above the surface of the PNS should
be equal and opposite to the angular momentum of the accreting
PNS. Our simulations maintain this equality to within a few per
cent, with the difference attributable to numerical errors inherent
in advecting angular momentum on a cartesian grid. The separation
of angular momentum plotted in Fig. 3 is a direct result of the spiral
SASI wave, which generates two counter-rotating flows as described
above. The net result is that gas with angular momentum of one sign
is accreted onto the PNS, whereas gas with the opposite angular
momentum flows around the outer regions of the shock cavity, pre-
sumably driven outwards once the supernova explosion is initiated.
The most striking feature in Fig. 3 is the almost linear increase in the
PNS angular momentum about 1 s after the simulation begins, and
even earlier for a rotating progenitor.

The presence of rotation in the infalling gas helps to initiate the
spiral mode of the SASI, as demonstrated by the early increase in
angular momentum seen in Fig. 3 and the fact that the rotation axis of
the SASI wave is roughly aligned (by 10u, 15u and 45u) with the spin
axis of the progenitor star. This alignment has the surprising effect of
erasing the progenitor spin from the PNS. Because the angular
momentum accretion driven by the SASI is opposite to that of the
SASI wave itself, the initial effect is to spin down the PNS. The
comparable rate of increase in accreted angular momentum between
the non-rotating and rotating models shows that the magnitude of
the angular momentum accretion rate is set by the flow pattern of the
spiral SASI wave, not by the angular momentum of the infalling gas
above the accretion shock.

The net angular momentum accreted onto the PNS as a result of
the spiral SASI mode during the supernova initiation phase can
markedly alter the spin rate of the neutron star left behind. Over a
timespan of 250 ms the PNS in our models will typically accrete 0.1
solar masses and a net angular momentum of 2.5 3 1047 g cm2 s21. If
we divide this total angular momentum by the moment of inertia of
an isolated neutron star11, I < 2 3 1045, we find that the resulting
rotational period would be about 50 ms. (We use the results from
ref. 12 to scale our models to relevant supernova values: a shock
radius of 230 km, 1.2 solar masses interior to the shock, and a mass
accretion rate of 0.36 solar masses per second.) This does not include
any relic angular momentum from the progenitor core rotation. Thus,
for an initially non-rotating or slowly (angular momentum about
2.5 3 1047 g cm2 s21 or less) rotating progenitor the SASI will be the
dominant source of angular momentum in the remnant neutron star

Triple point

Shock-shock

Accretion shock

PNS

SASI wave

Velocity
0.700
0.525
0.350
0.175
0.000

a b

Post-shock
flow

Supersonic
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Figure 2 | The flow in the equatorial plane of the spiral SASI mode drives
accretion of angular momentum onto the PNS. a, This diagram illustrates
the shock structure and corresponding post-shock accretion flow created by
the spiral SASI wave. The location of the accretion shock is taken from the
equatorial plane of a three-dimensional simulation with the shock pattern
(the SASI wave) propagating in a clockwise direction. The leading edge of the
internal SASI wave is marked by a shock-shock13: a shock wave formed by the
steepening of a pressure wave propagating along the inside surface of the

accretion shock. This shock-shock connects to the accretion shock at a triple
point, seen as a discontinuity in the surface of the accretion shock. In three
dimensions this triple point is a line segment on the surface of the accretion
shock that spans roughly half the circumference, as seen in Fig. 1. b, The flow
vectors highlight two strong rotational flows. On the right the flow is moving
clockwise along with the shock pattern, whereas at the bottom left the post-
shock flow is being diverted into a narrow stream moving anticlockwise,
fuelling the accretion of angular momentum onto the PNS.
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Figure 3 | The spin-up of the accreting PNS due to the spiral SASI mode.
The total accreted angular momentum (divided by the moment of inertia of
an isolated neutron star such that the unit of measure is the spin frequency of
the relic neutron star) is plotted as a function of time for three three-
dimensional SASI simulations with different initial perturbations. The
bottom panel shows the difference between the angular momentum of the
PNS and the total angular momentum in the flow above the surface of the
PNS for the non-rotating-progenitor models. Their vector sum should, in
fact, cancel given that we began with spherically symmetrical initial
conditions and, hence, no net angular momentum. For the rotating-
progenitor model we also show the x component of the angular momentum
(dashed line). At early times the accreted angular momentum is dominated
by the progenitor rotation (aligned along the 2x axis), but once the SASI
becomes nonlinear it dominates the angular momentum accretion rate, and
the rotation of the accreted material reverses direction.

NATURE | Vol 445 | 4 January 2007 LETTERS
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NS spin up by SASI
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Blondin & Mezzacappa, Nature (2007)

see also; Fernandez (2010), Foglizzo+ (2012), Wongwathanarat+ (2013),  
Guilet & Fernandez (2014), Kazaroni+ (2016), and others
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NS spin down mechanisms

Early time (from seconds to days after explosion) 
propeller effect w/ fallback [Illarionov & Suynaev 75] 
magnetically driven wind w/ strong-B [Thompson+ 04] 

anisotropic neutrino emission [Suwa & Enoto 14] 

Late time 
r-mode and GW emission [Lindblom+ 98, but see also Arras+ 03] 
GW emission by deformed NS w/ strong-B [Stella 05] 
magnetic braking by dipole radiation [many textbooks]

25



諏訪雄大 @ ～中性子星の観測と理論～研究活性化ワークショップ /3623/11/2017

Summary of NS spin

NS spin at birth is determined by precollapse 
stellar evolution is important 

NS spin-up  
angular momentum conservation 
SASI 

NS spin-down 
propeller effect, wind, r-mode w/ GW, dipole radiation, etc…
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3. NS magnetic-field from SN
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Possible origin of B-field

fossil field hypothesis (flux conservation) 
fields generated internally in the progenitor 
fields amplified during core collapse 
fields amplified by dynamo processes in proto-NS

28
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Fossil fields hypothesis

Flux conservation indicates B∝R-2 

Emag/Egra=B2R3/(GM2/R)=B2R4/(GM2)

29

B  
(G)

R  
(cm)

M 
(M⊙)

BR2  
(G cm2) Emag/Egrav

OBA-type 1-104 1012 10 1024-1028 10-14-10-6

WD 104-109 109 1 1022-1027 10-16-10-6

young NS 108-1015 106 1 1020-1027 10-20-10-6
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Amplification during core collapse

Flux conservation  
BNS=104 xBcore(RNS/10km)-2(Rcore/1000km)2 

For magnetar, Bcore=1011G, which is unlikely 
Normal pulsar is possible (Bcore=108G; stellar convection) 

Rotation 
Differential rotation is naturally generated during collapse 
Winding-up by differential rotation;  
Bφ~Bp ΔΩ t~1014G(Bp/1012G)(ΔΩ/1000 rad s-1)(t/100 ms)
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Amplification in proto-NS

Rotation & winding-up 

Fast amplification processes 
small scale dynamo (if P>tconv), up to 1016G (Emag~Econv) 
α-Ω dynamo (if P<tconv), up to 1015G 
Magneto-rotational instability (if Ωcore>Ωenv), up to ? 
Tayler-Spruit dynamo (if unstable B configuration), up to ?
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Relaxation time scales

Turbulent B-fields would be relaxed to some equilibrium 
configuration (Braithwaite & Cantiello 2013) 

tequil ~ tAlfven2/P ~ 10 s (Bequil/1015G)-2(P/1ms)-1

32

B 
(G)

P 
(ms) tequil

magnetar 1015 103 0.01 s

ms-magnetar 1015 1 10 s

pulsar 1012 30 3 days

CCO 1010 300 1000 years

see talk by Fujisawa-san
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see talk by Nakazato-san

Crust formation

If crust forms earlier than tequil, B-fields will be anchored 
before getting equilibrium state
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Fig. 2. Time evolution of the density (left top), the temperature (left bottom), the entropy (right top), and the electron fraction (right bottom). The
density and the temperature are given as functions of the radius and the entropy and the electron fraction are functions of the mass coordinate. The
corresponding times measured from the bounce are 10 ms (red solid line), 1 s (green dashed line), 10 s (blue dotted line), 30 s (brown dot-dashed
line), and 67 s (grey dot-dot-dashed line), respectively. (Color online)

Fig. 3. The time evolution in the ρ–T plane. The color and type of lines
are as in figure 2. Three thin solid black lines indicate the critical lines
for crust formation. See text for details. (Color online)

where Z is the typical proton number of the compo-
nent of the lattice, e is the elementary charge, " is
a dimensionless factor describing the ratio between the
thermal and Coulomb energies of the lattice at the melting
point, kB is the Boltzmann constant, xa is the mass fraction
of heavy nuclei, and mu is the atomic mass unit, respectively.
The critical lines are drawn using parameters of " = 175
(see, e.g., Chamel & Haensel 2008), Ye = 0.1, and xa = 0.3.
As for the proton number, we employ Z = 26, 50, and 70
from bottom to top. Although the output for the typical
proton number by the equation of state is between ∼ 30 and
35, there is an objection that the average proton number
varies if we use the NSE composition. Furusawa et al.
(2011) represented the mass fraction distribution in the
neutron number and proton number plane and implied that
even larger (higher proton number) nuclei can be formed

in the thermodynamic quantities considered here. There-
fore, we here parametrize the proton number and show the
different critical lines depending on the typical species of
nuclei. In addition, there are several improved studies con-
cerning " that suggest the larger value (e.g., Horowitz et al.
2007), which leads to a lower critical temperature corre-
sponding to later crust formation, although the value is still
under debate.

The critical lines imply that the lattice structure is formed
at the point with the density of ∼ 1013−14 g cm−3 and at the
post-bounce time of ∼ 70 s. Of course these values (espe-
cially the formation time) strongly depend on the parame-
ters employed, but the general trend would not change very
much even if we included more sophisticated parameters.

4 Summary and discussion
In this letter, we performed a very long-term simulation of
the supernova explosion for an 11.2 M⊙ star. This is the
first simulation of an iron core starting from core collapse
and finishing in the PNS cooling phase. We focused on the
PNS cooling phase by continuing the neutrino-radiation-
hydrodynamic simulation up to ∼ 70 s from the onset of
core collapse. By comparing the thermal energy and the
Coulomb energy of the lattice, we finally found that the
temperature decreases to ∼ 3 × 1010 K with the density
ρ ∼ 1014 g cm−3, which almost satisfies the critical condi-
tion for the formation of the lattice structure. Even though
there are still several uncertainties for this criterion, this
study could give us useful information about the crust for-
mation of a NS. We found that the crust formation would
start from the point with ρ ≈ 1013−14 g cm−3 and that it pre-
cedes from inside to outside, because the Coulomb energy
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Summary of NS B-fields

Regulation process is not clear yet 
fossil? amplified in progenitor? during core collapse? after proto-
NS formation? 

Crust formation 
after equilibrium is achieved for magnetars 
before equilibrium is achieved for other NSs 
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Agenda

35

Observable of NS:
1.   mass
2.   spin
3.   magnetic fields

Can we calculate them w/ supernova simulations?
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Summary

36

1.   mass

2.   spin

3.   magnetic fields

Can we calculate them w/ supernova simulations?

yes w/ stellar evolution 
Si/Si-O interface at collapse is important

probably yes w/ stellar evolution 
post-explosion evolution is important

no, origin is highly uncertain 
crust formation might be important


